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Introduction
Neutrino astronomy is probably the youngest branch of astroparticle physics.
Though astrophysical neutrinos have been observed from the Sun and from a
Supernova collapse since almost 30 years, only recently the IceCube detector
provided the observation of high energy neutrinos of cosmic origin. This has
opened a new window of observation on the Universe.
For almost the entire history of mankind, in practice from the beginning of
human history to the twentieth century, optical observations have been used
to study the Universe. However, this is only an extremely limited window of
observation in the spectrum of light. The radio, microwave, infrared, ultraviolet,
X and γ bands of the photon spectrum have indeed provided in the last hundred
of years a huge amount of information on the mechanisms operating in cosmic
objects. Considering the energy output of astrophysical objects such as, for
example, Supernova explosions, photons can be only a marginal output of the
astrophysical event. In addition, photons can be absorbed or scattered when
travelling from their source to Earth and information can be lost in this way.
In many high energy astrophysical events, a large amount of energy is given
to charged and neutral particles. In particular, neutrinos produced close to
astrophysical objects can give fundamental information on the mechanisms in
action. The observation of a few neutrino events from the Supernova SN1987A
has given us a detailed insight on the explosion of massive stars. Analogously,
observing neutrinos from other, more energetic, astrophysical objects could
answer many questions on the way these objects work.
A great unanswered question in astroparticle physics can be solved with
the observation of neutrinos of extra-terrestrial origin. The origin, the sources
and the acceleration mechanisms of charged cosmic rays are still unknown.
Since neutrinos could be produced in the dense environment surrounding the
acceleration site, they can directly point to the cosmic ray source and accelerator.
In addition, charged cosmic rays interacting in the Milky Way would produce
a detectable flux of neutrinos and propagation models of cosmic rays could be
tested.
In 1960, Markov proposed a possible way to detect high energy neutrinos
using huge volumes of transparent natural material such as ice or sea water. High
energy astrophysical neutrinos would undergo charged current weak interactions
with one of the nucleons of the medium. This would produce charged particle
that emit Cherenkov photons ice or water, which can be detected by a lattice of
photomultipliers. Considering charged current interaction of muon neutrinos,
above few TeV, the resulting muons can travel kilometres in the medium and
are almost collinear with the parent neutrinos. This allows to point back to the
neutrino sources if the muon direction can be precisely reconstructed. Given the
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low cross section of νN interactions and the predicted astrophysical neutrino
fluxes, the typical size of the detector should be of the order of km3.
The ANTARES neutrino telescope is a three-dimensional array of photomulti-
pliers distributed over 12 lines, installed in the Mediterranean Sea. The detector
has been operated in partial configurations since March 2006 and was completed
in May 2008. It is taking data continuously since then. The main goal of the
experiment is to search for high energy neutrinos from astrophysical sources. A
neutrino telescope in the Northern hemisphere includes the Galactic Centre in
its field of view and is complementary to the IceCube Antarctic telescope. This
complementarity can provide a different insight in the cosmic signal observed
only by the IceCube Collaboration.
In this thesis a search for extended neutrino sources in the Southern sky
with the ANTARES neutrino telescope is presented. The possibility that the
cosmic signal observed by IceCube could due to point-like neutrino sources in
the central part of our Galaxy has been already excluded using ANTARES data.
Large-sized neutrino-emitting regions might not be resolved by the IceCube
telescope since its angular resolution is limited by ice properties. In particular,
the Galactic Plane is a guaranteed source of neutrinos. These neutrinos are
produced by the interaction of cosmic rays that are confined in the Milky Way
with the interstellar medium.
The structure of this thesis is as follows. A general overview of the knowledge
of cosmic rays and neutrino astrophysics in given in Chapter 1. In Chapter
2 the neutrino detection principle is explained and an overview on neutrino
telescopes is given, together with a review of the present status of experimental
results. Chapter 3 reports on possible diffuse neutrino fluxes from the Galactic
Plane. Then, the ANTARES telescope is presented in Chapter 4, along with
the Monte Carlo simulation and analysis tools used for the analysis. In Chapter
5, the analysis of the atmospheric neutrino background is presented. Chapter
6 is devoted to the search for an enhanced emission of cosmic neutrinos from
the Galactic Plane, analysing the complete ANTARES data sample. Finally,
Chapter 7 presents an outlook towards the next generation neutrino telescope
KM3NeT, whose construction has started in the last months.
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Chapter 1
High energy neutrino
astrophysics
1.1 Cosmic rays
The existence of a cosmic radiation, now known as Cosmic Rays (CRs), was
discovered in 1912 by Victor Hess [1]. Using golden electrometers in free balloon
flights, he measured the intensity of natural radiation and found out that it
increases with altitude. This proved that some kind of ionising radiation enters
the atmosphere from above. The nature of cosmic rays was longly debated and in
1930 Bruno Rossi [2] proposed that the presence of an “East-West” asymmetry
in the directional intensity could be explained if CRs were charged particles.
This was experimentally verified in the following years [3, 4, 5].
Until the advent of particle accelerators, cosmic rays represented the only
source of high energy particles and some of them, such as the positron [6], the
muon [7] and the pion [8], were discovered studying CRs. Many investigations
have been made on the nature of cosmic rays since their discovery, but their
origin and the mechanisms connected to their acceleration are not yet completely
clear.
1.1.1 Cosmic ray composition and spectrum
The energy spectrum of primary CRs ranges from ∼ 109 to ∼ 1020 eV. About
90% of the particles arriving at the top of the atmosphere are protons; helium
nuclei (α particles) constitute ∼ 9% of the cosmic ray radiation while the rest is
given by heavier nuclei, electrons and γ-rays. A small quantity of antimatter
is also present. The elemental composition of CR radiation is quite similar to
what is observed in the Solar System, with some evident differences as shown
in figure 1.1: Li-Be-B and Sc-Ti-V-Cr-Mn are relatively more abundant in CRs
than in the Solar System by several orders of magnitude. Collisions (spallation
processes) in the interstellar medium (ISM) of primary C and O, for the first
group, and of Fe nuclei for the second one produce an enhancement in their
relative abundance [9].
Below 1014 eV direct composition measurements are possible with satellite
and balloon experiments. At higher energies only indirect measurements are
1
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Figure 1.1: Relative (Si = 100) abundances of elements in cosmic rays (blue line)
and in the Solar System (red bars) [9]. Two groups of elements (Li-Be-B and
Sc-Ti-V-Cr-Mn) show significant difference in the cosmic rays abundances with
respect to what is observed in the Solar System.
available as the CR flux is too low to collect enough statistics. The interaction
of a primary CR with air nuclei produces extensive showers of particles. Very
large ground array detectors, observing the products of CR interactions in the
atmosphere, can collect many events but can only indirectly infer the mass of the
nucleus originating the detected shower of particles. These indirect measurements
seem to confirm that, beyond the knee, CR composition becomes heavier [10].
These results are however strongly model dependent and a precise determination
of the composition is not possible.
At a first approximation, the primary energy spectrum (figure 1.2) follows
an unbroken power law
dN
dE
∝ E−γ . (1.1)
At least two changes of slope are evident in the spectrum: the knee around
1015 eV and the ankle above 1018.5 eV. The spectral index γ has approximately
the value of 2.7 up to the knee. It then rises to a value of about 3.1. A flattening
of the spectrum is present at the ankle, where γ ∼ 2.7. Finally, at the highest
energies, a cut-off seem to be present. The steepening of the energy spectrum in
the knee region is still an open question, and many models have been proposed
to explain such a variation [12]. A Z-dependence of the maximal energy at the
main galactic acceleration sites (probably supernovae remnants, SNRs) can be
translated into a different cut-off energy for each nuclear species and would be
visible in a transition from a proton-rich to an iron-rich composition at the knee.
A different class of galactic objects is expected to accelerate CRs after the
knee. Details on CR acceleration mechanisms are discussed in §1.1.2. Figure 1.3
shows a collection of results on the CR spectrum measurement above 1012 eV:
the spectrum is here multiplied by E2.5 to emphasise its features. After the knee,
2
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Figure 1.2: Cosmic ray energy spectrum from 1 to 1012 GeV as measured by
many different experiments, both on balloons, satellites and on the ground as in
the legend [11]. The spectrum is multiplied by E2 to better show its features –
mainly the knee, the ankle and a ultra-high energy cut-off.
3
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Figure 1.3: Collection of measurement of the CR energy spectrum above 1012 eV
[13]. The spectrum is multiplied by E2.5 in order to show structures in its shape
such as the knee, the ankle and the high energy cut-off.
the so-called ankle is visible around 1018.5 eV, where the spectrum flattens. This
feature is usually attributed to a transition from galactic to extra-galactic sources
of cosmic rays [14]. A flatter spectrum is indeed expected for extra-galactic CRs.
An upper limit to the energy of cosmic rays is given by the so-called Greisen-
Zatsepin-Kuz’min (GZK) effect [15, 16]: the interaction of CRs with Cosmic
Microwave Background (CMB) photons via the ∆+ resonance would limit the
energy of cosmic rays at about 6×1019 eV. Different experiments have measured
a cut-off in the CR spectrum at the highest energies [17, 18, 19], but some
tension is still present in the interpretation of this feature.
The arrival direction of cosmic rays at the top of the atmosphere is isotropi-
cally distributed. The presence of galactic (' 4µG) and extra-galactic ('nG)
magnetic fields bends the trajectory of charged particle. The Larmor radius
RL =
mv⊥
|q|B (1.2)
of a proton in the galactic magnetic field becomes compatible with the thickness
of the Milky Way (' 200 pc) only above 1018 eV. Particles of lower energy or
higher charge are confined in the Galaxy and randomly deflected many times in
the irregularities of the magnetic field. Only very high energy cosmic rays can
point back to their sources.
1.1.2 Cosmic ray accelerators
Cosmic ray acceleration through iterative scattering processes was firstly
suggested by Enrico Fermi [20, 21]. Shock waves can be produced in extreme
4
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environments such as in the proximity of black holes or after the collapse of a
massive star. Stochastic iterative acceleration can be explained if one imagines
to follow a charged particle entering the acceleration region with energy E.
Assuming a particle trapped in magnetic field inhomogeneities, each time the
particle encounters the shock wave its energy is increased by ∆E = E. The gain 
is due to the relative movement of the shock wave with respect to inhomogeneities
of the magnetic field. The energy gain in a moving gas cloud is proportional
to β2, where β is the cloud velocity in units of c. This is often referred to as
Fermi second order acceleration. A more efficient acceleration is achievable when
a plane shock front is encountered by the particle. In this case the energy gain
is proportional to β (first order acceleration). The energy spectrum of particles
accelerated via Fermi mechanisms is described by an unbroken power law with
spectral index γ ∼ 2. Propagation and interaction of CRs in the Galaxy steepens
the energy spectrum making it more similar to what is observed at Earth [22].
The relation between the energy that a cosmic ray can reach and the properties
of its accelerator in terms of size and magnetic field can be graphically described
in the so-called “Hillas plot” (figure 1.4). At a fixed size of the acceleration
site, the higher the intensity of the magnetic field, the longer the CR is confined
within its surrounding and can be further accelerated via Fermi mechanisms. At
a given magnetic field intensity, the larger the site, the more encounters with the
accelerating shocks are possible. Finally, a more compact object would require
a higher magnetic field intensity to accelerate a CR to the same energy as a
larger source. Moreover, the presence of a relativistic shock, with a Lorentz
boost factor Γ, can produce a further enhancement of the CR energy.
Galactic sources
Fermi acceleration mechanism is believed to occur in SNRs. After a supernova
(SN) explosion, the emitted material encounters the ISM and a shock front is
built. Charged particles are accelerated in shock-waves of the expanding shells
via the first order Fermi mechanism. With some quick calculations [22] it is
possible to explain the CR energy density in our Galaxy considering the energy
release of a Supernova, the Fermi mechanism efficiency and rate of SNe events.
SNRs can accelerate nuclei up to Emax ∼ 300×Z TeV. This is the energy at which
a change of slope appears in the cosmic ray energy spectrum. The transition
over the knee can thus be explained as a Z dependence of the maximal energy
at which cosmic rays can be accelerated at SNRs (figure 1.6).
Beyond the energy threshold for SNRs, different mechanisms, providing
further particle acceleration, must be taken into account. This is possible, e.g.,
when a Neutron Star (NS) with a strong magnetic field is present in the SNR
environment since it works as an additional particle accelerator. These object
are also called Pulsar Wind Nebulae (PWNe). Indeed the magnetic field of
the NS is often misaligned with respect to its rotation axis. Spinning magnetic
fields can produce strong electric fields through Faraday’s law. Given the strong
intensity of the magnetic fields around the NS, few of these objects can provide
enough energy to fill the Galaxy with CRs up to 1018 eV.
Further candidate galactic CR accelerators are micro-quasars, where a com-
pact object accretes material from a normal star. The infalling matter releases
gravitational potential energy. Due to this enormous motion of ionized matter,
very strong electromagnetic fields are produced in the vicinity of the compact
5
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Figure 1.4: The Hillas plot, schematically showing the properties of acceleration
sites, size and magnetic field strength, for a given maximal energy of a cosmic
ray. Sources above the red solid (dashed) line can accelerate protons up to 1 ZeV
(100 EeV). The green line refers to the acceleration of Iron nuclei up to 100 EeV
(a) SN1006 (b) Expanding shell
Figure 1.5: Left: SNR of SN1006, in the Lupus constellation. It is the remnant
of the supernova described by various observers all over the world during A.D.
1006, probably being the brightest stellar event ever recorded in human history.
Right: expanding shell of SN1006, comparing two different images from 1998
and 2006. Images from www.apod.nasa.gov and hubblesite.org
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Figure 1.6: The interpretation of the CRs knee as due to the correlation between
the maximum energy achievable at the acceleration site and the nuclear charge Z.
The flux of each nuclear species sharply decreases after a given cut-off depending
on Z. The behaviour of hydrogen, silicon (Z = 14) and iron (Z = 26) nuclei are
shown [22].
object and charged particles can be accelerated to high energies. Most galactic
objects which could accelerate CRs are located in the Galactic Plane, where the
highest density of SNRs, PWNe and micro-quasars is present.
Extra-galactic sources
Active Galactic Nuclei (AGN) are the most powerful continuous sources of
radiation in the Universe. A supermassive black hole (SMBH) is often present
at the centre of galaxies. When fed with accreting matter, jets of particle and
radiation can be emitted and the emission region around the SMBH becomes
visible as an AGN. The AGN becomes even more luminous than its host galaxy
if its emission is collimated in the line of sigth of the observer. A large variety of
objects can be classified as AGNs. The unified model for AGNs [23, 24] explains
the large variety of observed features considering that the same kind of objects
can seen from different angles (figure 1.7). Because of the presence of emission
jets and shocks in the galactic and extra-galactic medium, AGN can accelerate
CRs to the most extreme energies. So far, no correlation between the arrival
direction of ultra-high energy cosmic rays (UHECRs) and AGNs has been found
[25].
Gamma Ray Bursts (GRBs) are cosmic events of short duration (ms to
few minutes). They are characterised by an extremely bright γ-ray emission
followed by an afterglow in X, UV and optical radiation. On the basis on the
duration of the burst they are classified as “short” or “long”. Short GRBs (below
few seconds of duration) are believed to be originated by the merging of two
neutron stars or of a neutron star and a black hole. Since compact objects are
involved, this results in γ-ray emissions of short duration. Long GRBs can be
produced by the supernova collapse of extremely massive stars. In both cases
the steady γ emission and the subsequent afterglow can be described by the
fireball model. The central engine, activated by a huge release of gravitational
7
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Figure 1.7: Schematic representation of the so-called unified model for AGN.
Observing the same class of objects (radio loud or radio quiet AGNs) under
different angles can lead to the observation of a vast variety of object. Image
from www.auger.org
energy, can produce a jet of highly relativistic material, with Lorentz boost larger
than 100 – 200. This jet moves through a dense environment producing shocks,
emitting γ-rays by synchrotron processess and inverse Compton effect. The
afterglow emission, at lower frequencies, is caused by the time-delayed interaction
of the jet with the surrounding medium. Since large and extremely fast shocks
are present, CR can be accelerated during GRB events. The high Lorentz boost
of the shock can enhance the maximal energy of accelerated particles up to the
highest end of the CR spectrum.
1.1.3 γ-ray sources
Astrophysical objects can produce γ-rays by means of two mechanisms:
leptonic or hadronic processes. Leptonic mechanisms, such as synchrotron
radiation emission, bremsstrahlung and Inverse Compton (IC) scattering [26],
are active when high energy electrons are accelerated near their source. In
particular, synchrotron emission is present when electrons are deflected by strong
magnetic fields; bremsstrahlung happens when relativistic electrons interact with
the electric field of nuclei in the medium; IC is related to the inelastic scattering
of fast electrons on local photons. Most of the electromagnetic radiation from
cosmic sources can be explained with leptonic models.
Hadronic mechanisms are due to the interaction of CRs with the surrounding
medium, where a large number of pi0 mesons is produced. They immediately
decay (mean lifetime 8.4×10−17 s) into 2γ:
p+N → X + npi0.
pi0 → γγ (1.3)
8
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Figure 1.8: γ-ray spectral energy distribution of the SNR W44 as observed by the
Fermi/LAT experiment, together with the upper limits from the Whipple (blue),
HEGRA (magenta), and MILAGRO (green) experiments [27]. The experimental
point are compared to the expectations from leptonic emission processes (dashed
lines) – mainly from bremsstrahlung – and hadronic emission (solid line) from
pi0 decay.
The observed γ-ray spectrum from hadronic production resembles that of primary
CR at the acceleration site (Γ ∼ 2.0 – 2.5), since the prompt interaction does not
allow the absorption of protons before interacting and producing pions. Every
possible CR accelerator would produce a large amount of γ-rays in hadronic
processes. The resulting γ-rays should be higher in energy than those produced
by leptonic processes. This has been observed by the Fermi/LAT satellite
experiment [27] in a few SNRs. Figure 1.8 shows the spectral energy distribution
(SED) of the SNR W44, where the observed flux from Fermi/LAT hints towards
hadronic processes playing a role in γ-ray emission from this particular SNR.
Figure 1.9 shows a γ-ray sky map, from Fermi/LAT observations [28]. This
map is centred at the Galactic Centre: an enhanced γ emission is clearly visible
in the Galactic Plane. Once individual point sources are extracted, a diffuse
component can be isolated. Most of this emission can be attributed to the decay
of pions produced by CR interactions in the medium as shown in figure 1.10. A
quite strong tension between observed data and models for the γ spectrum at
high energies is present. An enhanced flux at high energies could be produced
when considering the possible influence of “fresh” cosmic rays accelerated by
young sources [29].
1.2 Neutrino astrophysics
Because of the presence of magnetic fields, charged particles do not point back
to their sources. Cosmic rays below some 1018 eV – the highest energies expected
for a CR accelerated in our Galaxy – are always deflected by galactic magnetic
fields. The arrival direction of cosmic rays could be correlated with their sources
only at the highest energies. On the other hand, neutral particles originating
from prompt interactions of CRs with the surrounding medium carry information
9
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Figure 1.9: Sky map observed by the Fermi/LAT γ-ray observatory [28]. The
map is centred at the Galactic Centre and the colour code represents the counting
rate of the LAT instrument. Apart from strong individual sources, most of the
counting rate is due to a diffuse emission in the Galactic Plane.
Figure 1.10: γ-ray energy spectrum for the Galactic Plane (| ` | < 80◦ and | b | <
8◦) from Fermi/LAT [28]. Colour code as in the legend. A large contribution to
the γ emission comes from the decay of pi0 produced by CR interactions. Also
shown the comparison between data and expectations: the difference might be
due to an additional component of CRs from young sources [29].
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from their origin without any deflection from magnetic fields. Neutral radiation
produced at CR accelerators can be composed of neutrons, γ-rays (§1.1.3) and
neutrinos (§1.2.1):
• neutrons are short-lived and strongly interacting particles: they cannot
reach the Earth and be detected;
• γ-rays have electromagnetic interactions with the ISM and can be absorbed
along their path from the source to the Earth;
• neutrinos are only weakly interacting and can travel cosmic distances
without being absorbed.
The observation of neutrinos from an individual cosmic object would be a
“smoking gun” of CR acceleration taking place at that particular astrophysical
site.
1.2.1 High energy neutrino sources
Along with pi0 (eq. 1.3), the interaction of a CR with the medium around its
accelerator produces an equal number of charged pions so that:∑
pi0 =
1
2
∑(
pi+ + pi−
)
. (1.4)
Charged pions are short-lived (mean lifetime 2.6×10−8 s) and the products of
their decay are leptons. A neutrino of the same flavour is always produced
together with the charged lepton, obeying the conservation of lepton number.
The leading decay processes producing neutrinos from pions are:
pi+ → νµ + µ+
µ+ → e+ + νe + ν¯µ (1.5)
pi− → ν¯µ + µ−
µ− → e− + ν¯e + νµ (1.6)
From these processes, the neutrino outcome of a source accelerating protons or
nuclei can be predicted, either analitycally or numerically.
Modelling neutrino fluxes
The basic assumption to predict neutrino fluxes starting from the measure-
ment of high energy γ-ray fluxes is that a certain fraction of the observed γ flux
is of hadronic origin. Models such as that of ref. [30] allow the direct calculation
of the expected neutrino spectrum starting from the observed γ flux Fγ(E).
Assuming that the source is transparent (i.e. γs are not absorbed in the source
itself) and that the entire γ flux is produced by hadronic processes, the neutral
pion flux at the cosmic object is:
Fpi0(E) = −E
2
dFγ
dE
. (1.7)
Each pion species would then follow this flux as they are equally produced by
CR interactions because of isospin conservation. The νµ flux coming from pi
+
11
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Figure 1.11: Predictions for the neutrino flux from the SNR RX J1713.7-3946
compared to the γ flux measured by HESS and the expected atmospheric neutrino
background [31].
decay is:
Fνµ =
Fγ [E/(1− r)]
2(1− r) (1.8)
where r is the square of the ratio between the muon and the pion mass. The
further production of neutrinos from the corresponding µ+ flux can be expressed
as:
Fν(Eν) =
∫ 1
0
dy
y
Fµ(Eµ) [g0(y)− 〈P (Eµ)〉g1(y)] (1.9)
where Eµ=Eν/y. The terms g0 and g1 are polynomials, specific for each neutrino
flavour. The muon flux Fµ(Eµ) is
Fµ(E) =
Fγ(E)− Fγ(E/r)
2(1− r) (1.10)
while the polarization 〈P (Eµ)〉, averaged over the pion distribution, is given by:
〈P (Eµ)〉 × F (Eµ) = −Fγ(E) + Fγ(E/r)
2(1− r) +
r
(1− r)2
∫ E/r
E
Fγ(E
′)
dE′
E
(1.11)
The further contribution to the γ spectrum from η meson decay is proportional
to that of neutral pion through a coefficient that can be considered, at a first
approximation, constant. Analogously the neutrino flux from charged kaons can
be taken as proportional to that of pi±. An example of estimated neutrino flux
from a SNR (RXJ 1713.7-3946) is reported in figure 1.11.
Diffuse neutrino fluxes
The neutrino flux from a single individual source might be too low to be
detected. Nonetheless, the existence of many faint sources would show up in a
diffuse neutrino flux. The observation of a diffuse flux of UHECRs can be used
to set theoretical upper bounds on the total flux of neutrinos from extra-galactic
sources. The upper bound proposed by Waxman and Bahcall (WB) [32, 33]
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uses the cosmic ray observations at ECR ∼ 1019 eV to constrain the neutrino
flux. In the computation of the upper bound, several assumptions are made:
neutrinos are produced when protons interact with ambient radiation or matter;
the sources are transparent to high energy neutrons (En ∼ 1019 eV); the 1019 eV
CRs produced by neutron decay are not deflected by magnetic fields; finally (and
most important) the spectral shape of CRs at the acceleration site up to the
GZK cut-off is dN/dE ∝ E−2, as typically expected from the Fermi mechanism.
The resulting limit is:
E2ν
dΦ
dEν
< 4.5 · 10−8 GeV cm−2 s−1 sr−1 (1.12)
This value must be divided by 2 to take into account neutrino oscillation from
the source to the Earth. The neutrino flux at the source should to be distributed
between the three neutrino flavours as νe : νµ : ντ = 1 : 2 : 0. Vacuum oscillation
would produce at Earth equal subdivision in the three flavours.
A softer spectrum is expected if extra-galactic accelerators are inside galaxies
that are opaque to CRs. This is the case of starburst galaxies [34], where
the matter density is high enough for protons to interact, losing energy before
producing pions that decay into neutrinos. The corresponding cosmic neutrino
energy spectrum is steeper and lower in normalisation than the WB prediction.
As starburst galaxies are usually detected in correspondence of galaxy mergers,
and considering that galaxy mergers and AGN activity are correlated in radio
[35], IR [36] and X observation [37], a large contribution to cosmic neutrino
fluxes can be expected by these kind of objects.
Neutrinos from the Galactic Plane
A guaranteed flux of cosmic neutrinos is expected from the CR interactions
in the Galactic Plane, where the pi0 contribution to measured γ fluxes is evident
(§1.1.3) and the corresponding neutrino flux from pi± can be computed. Using
the observed γ spectrum, the primary proton spectrum can be inferred and using
computational simulation of CR propagation in the Galaxy the neutrino flux
can be extracted.
Different models for the CR propagation are proposed (e.g. [38, 39, 40]) as
well as direct computations from Fermi data [28], each leading to a different
neutrino flux expectation but in agreement within a factor ∼ 2. NoDrift models
[38, 39] do not take into account magnetic fields while Drift models [40], doing
so, produce an enhancement of the neutrino flux in the Galactic Centre region.
Figure 1.12 shows the expected neutrinos flux from the Galactic Plane region as
a function of the galactic longitude. More information on the expected diffuse
neutrino flux from the Milky Way is given in chapter 3.
Cosmogenic neutrinos
UHECRs interacting with CMB photons via the ∆+ resonance, responsible
of the GZK cut-off (§1.1.1), would produce neutrinos through the decay of pions
generated in the reaction:
γCMB + p→ ∆+ → n+ pi+ (1.13)
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Figure 1.12: Expected neutrino flux from the Galactic Plane from different
models and data from the Fermi/LAT γ-ray observations (see text for references)
as a function of the galactic longitude [41].
An isotropic diffuse flux of these neutrinos would show up at extremely high ener-
gies, since both UHECR sources and CMB photons are isotropically distributed.
Being the GZK threshold for protons around 5×1019 eV and considering that,
from simple kinematics, the resulting neutrino would carry about 1/20 of the
proton energy, a flux peak at Eν ∼EeV is expected. From the same reaction
also electron neutrinos are produced from the neutron decay.
1.2.2 High energy neutrino detection
Neutrino interaction
A high energy neutrino interacts with a nucleon N via either charged current
(CC) weak interaction
νl +N → l +X (1.14)
or neutral current (NC) weak interaction
νl +N → νl +X (1.15)
At the first order, the differential cross section for CC interaction [42] is given
by:
d2σνN
dxdy
=
2G2FmNEν
pi
M4W
(Q2 +M2W )
2
[
xq(x,Q2) + x(1− y)2q¯(x,Q2)] (1.16)
where Q2 is the square of the momentum transferred between the neutrino νl
and the lepton l, mN is the nucleon mass, MW is the mass of the W boson,
GF is the Fermi coupling constant and q(x, Q
2) and q¯(x, Q2) are the parton
function distributions for quarks and antiquarks. The so-called scale variables
or Feynman-Bjorken variables are given by:
x = Q2/ [2mN (Eν − El)] (1.17)
y = (Eν − El)/Eν (1.18)
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Figure 1.13: Charged current cross section for neutrinos (black) and anti-
neutrinos (red) [42].
Figure 1.13 shows the νµ and ν¯µ cross section as a function of the neutrino energy.
The cross section grows linearly with the neutrino energy up to some tens of
TeV, then slightly flattens because the square of the transferred momentum Q2
becomes larger of M2W . Large theoretical uncertainties are present since few
measurements are available for parton distribution functions at small x and high
energies.
Cherenkov radiation
Charged particles are produced in neutrino interactions. Considering high
energy interactions, the products are mainly relativistic particles. A charged
particle that is above the speed of light in the medium can produce photons via
Cherenkov emission [26]. Indeed the charged particle polarises the molecules
along its trajectory, producing an overall dipole moment. Light is emitted
when the electrons of the insulator restore themselves to equilibrium after the
disruption has passed, producing coherent radiation. This radiation is emitted
in a cone with a characteristic angle θC given by:
cos θC =
c/n
βc
=
1
βn
(1.19)
where n is the refracting index of the medium and β is the particle speed in units
of c. For relativistic particles (β ' 1) in sea water (n ' 1.364) the Cherenkov
angle is about 43◦. The number of Cherenkov photons Nγ emitted per unit
wavelength interval dλ and unit distance travelled dx, by a charged particle of
charge e is given by:
d2Nγ
dxdλ
=
2pi
137λ2
(
1− 1
n2β2
)
(1.20)
where λ is the wavelength of the radiation. Cherenkov radiation is significant
at shorter wavelengths (visible, near UV). Typically, in the wavelength range
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Figure 1.14: Event signature topologies for different neutrino flavours and
interactions: a) CC interaction of a νµ produces a muon and a hadronic shower;
b) CC interaction of a ντ producing a τ which then decays, tracing the the
double bang event signature; c) CC interaction of νe produces both an EM and
a hadronic shower; d) a NC interaction produces a hadronic shower [43].
between 300–600 nm, the number of Cherenkov photons emitted per meter is
about 3.5×104.
Muon detection
A high energy muon is produced after the CC interaction of a muon neutrino.
The direction of the µ is highly correlated with the neutrino arrival direction
and the angle θνµ between the incoming neutrino and the induced muon is [43]:
θνµ ' 0.6
◦√
Eν(TeV)
. (1.21)
Assuming that the muon is well above the Cherenkov emission threshold, the
detection of this photons allows the reconstruction of its direction and conse-
quently that of the neutrino. High energy muons can be well reconstructed since
they travel straight through the detector, producing a clear track signature.
Muons lose energy because of ionisation, pair production, bremsstrahlung
and photo-nuclear interactions. The energy loss per unit path length can be
parametrised as:
dEµ/dx = α(Eµ) + β(Eµ) · Eµ (1.22)
where α(Eµ) describes the ionisation loss, slightly depending on the muon energy,
while β(Eµ) describes radiative losses – pair production, brehmsstrahlung and
photo-nuclear interactions. Depending on the traversed material a different
critical energy EC exists where the radiative losses become larger than ionisation
losses. EC ∼500 GeV in water.
Figure 1.15 shows the effective range (Reff) of muons in water. This quantity
is the distance after which a muon of initial energy Eµ is still above the energy
threshold Ethrµ for detection in the apparatus. A 10 TeV muon travelling 4 km
in water can reach the detector with an energy above 1 TeV. The event will
be observed even if the neutrino interaction vertex where the muon has been
produced is far from the instrumented volume, increasing the effective size of
the detector.
16
1.2 Neutrino astrophysics
Figure 1.15: Effective range of muons as a function of the muon energy, for
different energy thresholds (from 1 to 106 GeV) [44].
Shower detection
When a NC interaction for all neutrino flavours or a CC interaction of
electron (anti)neutrino takes place, hadronic and electromagnetic showers are
produced. In CC νe an electromagnetic (EM) shower is produced since a high
energy electron is induced by the neutrino interaction. This electron can radiate
bremsstrahlung γs, again producing e+e− pairs and generating a further cascade
of EM particles. As long as the charged particles in the EM showers are above
the Cherenkov threshold, light is emitted. Hadronic showers are represented
by the term X of equations 1.14 and 1.15 and are present in both CC and NC
interactions. The largest contribution to hadronic showers is given by pions, but
also other mesons and baryons can be produced. An electromagnetic component
is present in the hadronic shower because pi0 mesons are produced and they
immediately decay into 2γ. All the particles in the hadronic shower can produce
additional particles via radiation mechanism and can further interact with the
medium. Until the charged particles in the cascade are above the speed of light
in the medium, detectable Cherenkov light is produced. Whilst for CC muon
neutrino interactions a track-like event is produced, shower events can usually
be characterised by an expanding spherical shell of light, centred around the
shower maximum. Also in this case the shower direction can be reconstructed
and correlated to the neutrino arrival direction.
Tau detection
A CC ντ interaction produces a τ lepton. Tauons are short-lived leptons
(2.9×10−13 s) and decay producing a shower of particles. At high energies, their
Lorentz factor can be large enough to produce a visible track before the lepton
decays. In this case a shower-like event is present both at the interaction vertex
and at the decay point. A track-like event would also be visible since the tau
lepton produces Cherenkov light. Below 1 PeV the interaction vertex hadronic
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shower and the decay shower are too close to be distinguished in a sparsely
instrumented volume. At higher energies and for large detectors the two showers
can be separated and a “double bang event” – each “bang” corresponding to
a shower – is detected. If one of the two showers, either the interaction or the
decay one, is outside the detection volume, only a track and a cascade are visible
producing a “lollipop event”.
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Chapter 2
Neutrino astronomy
2.1 Neutrino telescopes
A neutrino detector can be operated as a telescope if the neutrino arrival
direction is reconstructed with good angular precision (<1◦). The angular
resolution on the neutrino direction is limited by the intrinsic spread between
the direction of the incoming neutrino and the interaction products that are
reconstructed (eq. 1.21). The possible detection of high energy neutrinos is
limited by the fact that the expected fluxes and the neutrino interaction cross-
sections are very low. Very large detectors are needed, ranging up to a cubic km
of instrumented volume. The use of large volumes of natural water was proposed
by M.A. Markov in 1960 [45]. A large number of light detectors would make
large portions of oceans, lakes or ice shells sensitive to the emission of Cherenkov
photons transforming them into neutrino detectors. The medium:
• is the target for neutrino interactions;
• shields from CR air shower background;
• allows the production and the transmission of Cherenkov light produced
by relativistic charged particles emerging from the neutrino interaction.
Large volume detector are required for the detection of cosmic neutrino fluxes.
The ideal size for a neutrino telescope is of the order of a km3, or more. Such a
large size would allow a few of these neutrinos to interact within the sensitive
volume of the detector in a year of operation. Nonetheless, the Cherenkov
photons given by the neutrino interaction products sould be properly detected.
A large number of highly sensitive light detectors must be put in the target
medium so that the density of light detecting devices – typically photomultiplier
tubes (PMT) – is large enough to have enough signals to reconstruct events. As
the typical PMTs used in this sort of experiments are 10-inch in diameter, a
rough estimation of the requested number of PMTs is ∼ 5000 PMTs per cubic
kilometre [43].
2.1.1 Light propagation in water and ice
Water and ice absorb (absorption processes) and deviate photons (scattering
processes). The performance of the telescope in obtaining a high quality recon-
19
2 Neutrino astronomy
Figure 2.1: Effective scattering (top) and absorption (bottom) coefficients as
a function of the depth in the South Pole ice, as measured with LED flashers
[47]. The results of the measurement are dependent on the assumed models for
scattering and absorption.
struction of the neutrino direction are significantly affected by the propagation
properties of the medium. Absorption reduces the amplitude of the Cherenkov
wavefront, i.e. the total amount of light hitting on PMTs. Scattering changes the
direction of propagation of the Cherenkov photons, modifying the distribution of
their arrival time on the PMTs. This causes a degradation in the reconstruction
of the direction of the incoming neutrino. Direct photons are those arriving on a
PMT without being scattered.
At a given wavelength λ, light propagation in the medium is characterised
by the optical properties of the medium through the absorption a(λ), scattering
b(λ) and attenuation c(λ) coefficients. The corresponding absorption, scattering
and attenuation length can also be used to define the optical properties of the
medium. These quantities are correlated:
c(λ) = a(λ) + b(λ) (2.1)
Li = i(λ)
−1
i = a, b, c (2.2)
Each of these lengths represents the path after which a beam of initial intensity
I0 is reduced by a factor 1/e because of absorption or scattering.
A complete description of light scattering would require, in addition to
the geometric scattering length Lb(λ), the knowledge of the scattering angular
distribution. An analytical solution of the Maxwell equations for the scattering
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of electromagnetic radiation by spherical particles was developed by Gustav Mie
[46]. This solution is appropriate for modelling light scattering in transparent
media. The predominant scattering centres are sub-millimeter sized air bubbles
and micron sized dust particles. In ice the concentration of scattering centres is
much higher than in water. Light can be scattered several times before it reaches
an optical sensor. The average cosine of the light field of photons undergoing
multiple (n) scattering obeys a simple relationship:
〈cos θ〉n = 〈cos θ〉n (2.3)
On average, between two scattering events, a photon advances a distance Lb(λ)
at an angle 〈cos θ〉. Hence after n scatters, a photon has moved in the incident
direction
Leffb (λ) = Lb(λ)
n∑
i=0
〈cos θ〉i ' Lb(λ)
1− 〈cos θ〉 (2.4)
Experimental measurements are generally expressed in terms of the effective light
scattering length Leffb (λ), instead of the (strongly correlated) values of average
scattering angle cos θ and geometric scattering length Lb(λ).
In general, ice is more transparent than water, i.e. its light absorption
length is much longer. On the other hand the scattering is much stronger
in ice as dust and air bubbles are trapped into the ice. In addition, while
water is a homogeneous medium, the Antarctic ice shell was formed after the
accumulation of snow over an extremely long period of time, with differences
in the concentration of dust over time. For this reason the optical properties
of ice can have large variation over the almost 3 km of depth, as proved by
measurement of light propagation properties with LED flashers in the deep ice
(figure 2.1). A rather thick “dust layer” is also present at the South Pole at a
depth of about 2000 m, strongly reducing the light detection efficiency in that
region.
2.1.2 Under-water detectors
First tentatives – The under-water option has been investigated both in
marine and deep lake environment. The pioneering DUMAND project [48]
started in 1976 and lasted until it was cancelled by U.S. Department of Energy
in 1995. Preliminary studies were carried in order to deploy a detection unit
in the Pacific Ocean, off Hawaii Islands, at a depth of about 4800 m. Even if
DUMAND did not reach its final construction phase because of technical and
financial problems, all the subsequent projects took advantage of the experience
coming from its R&D phase.
Lake Baikal – The deep waters (∼ 1800 m) of Lake Baikal, Russia, hosts a
neutrino telescope [49]. Test detection units have been put under-water in the
early nineties (NT-200 project) and preliminary measurements in the search
for high energy neutrinos have been completed [50]. A Gton volume detector
is foreseen to be built in Lake Baikal in the next years [51]. A thick ice shell
is present on the lake during the winter time and allows easy deployment of
instruments in the water. Low optical background is expected in fresh water with
respect to sea water (see §4.2.3), but the water of Lake Baikal is less transparent
than sea water or ice, limiting the reconstruction performance.
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Figure 2.2: The three Mediterranean sites for neutrino detectors: ANTARES
in the Toulon site, NEMO at the Capo Passero site and NESTOR in Pylos.
KM3NeT, the next generation neutrino telescope, will follow a multi-site ap-
proach, instrumenting different volumes in each of the three sites.
The Mediterranean Sea – A favourable environment for building a neutrino
telescope is represented by the Mediterranean Sea. Large abyssal planes are
present, with depths ranging from 2500 to 4500 m. Low deep sea current are
usually measured and many on-shore infrastructures are distributed along the
Mediterranean coasts. At least three different sites have been investigated, off
shore France, Italy and Greece (figure 2.2). All these sites are quite close to
the shore and to large Physics institutes. Deploying the detector and its related
infrastructure in the sea requires marine operation with a Remotely Operated
Vehicle (ROV).
• The ANTARES detector [52], subject of this work, will be described in
details in the next section. Anchored to the sea-bed at a depth of about
2500 m 40 km off-shore Toulon, France, it is currently the largest under-
water neutrino telescope and the largest neutrino detector in the Northern
hemisphere. Operating continuously since 2006, it was completed in 2008
and will be taking data at least up to 2016.
• The Greek site, off-shore Pylos, Peloponnese, comprise one of the deepest
planes in the Mediterranean Sea, ranging down to 4500 m of depth. The
NESTOR Collaboration [53] has deployed some test units and measured
the muon flux at a depth of more than 3000 m.
• The NEMO Collaboration [54] has studied the deep sea environment in
front of the Sicilian coasts, about 100 km off-shore Capo Passero. An
intensive R&D activity has been conducted to define possible solutions
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(a) KM3NeT DOM (b) KM3NeT DU
Figure 2.3: Left: the KM3NeT DOM, made of 31 3-inch PMTs inside a 17-inch
glass sphere. Each DOM hosts all the off-shore electronics and is installed along a
detection unit (DU), a vertical string anchored to the sea-bed. Right: a complete
DU at the end of its construction [58]
to be used in a neutrino telescope design. Test towers, vertical structure
holding PMTs, have been deployed and the atmospheric muon flux has
been measured [55]. Water properties have been studied showing low
optical background [56] and stable conditions over long periods have been
observed [57]. Moreover a large deep sea infrastructure has been built in
the site, towards the next generation neutrino telescope, KM3NeT.
• KM3NeT [58] is a multi-site deep sea infrastructure that will host neutrino
telescopes and Earth and sea science experiments. It will comprise the
ARCA and ORCA projects (Astronomy and Oscillation Research with
Cosmics in the Abyss) respectively dedicated to the investigation of high
energy neutrino astrophysics [60] – searching for the sources of cosmic
neutrinos – and low energy neutrino oscillation physics [61] – for the
measurement of the neutrino mass hierarchy. The modularity of the
projects will be possible following the concept of a detector building block.
A building block is made of 115 detection units (DU) [62], vertical strings
holding 18 multi-pmt Digital Optical Modules (DOM) [63]. Each DOM is
made of 31 3-inch PMTs as displayed in figure 2.3. In the case of ARCA,
DOMs will be put at a distance of 36 m on each DU, with an average
distance of 90 m between DUs. DUs for ORCA, since an extremely low
threshold (few GeV) and high granularity are required, will be put at a
average distance of 20 m from each other and the inter-DOM distance will
be of 9 meters. The water properties of the Mediterranean Sea along with
the ns time resolution given by small PMTs will allow extremely good
reconstruction performance, opening the way to point source neutrino
astronomy in all neutrino flavours. The KM3NeT project is in its Phase-I
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Figure 2.4: Schematic view of the IceCube detector at the geographical South
Pole [65]. Strings are put in the ice shell at a depth of about 2 km, for an
instrumented volume of 1 km3. The low energy extension of IceCube, Deep Core,
made of more compact and closely spaced strings, is also visible. An extensive
air shower detector, IceTop, is present on top of the ice cover to analyse the
atmospheric background. Image from https://icecube.wisc.edu/.
construction stage. More details are available in ref. [60, 61].
2.1.3 Under-ice detectors
A large neutrino detector is taking data in the Antarctic ice shell. This
is the case of the AMANDA [64] detector and of its successor IceCube [65],
currently the largest neutrino detector in the world. The detector is located at
the geographic South Pole, at the permanent Amudsen-Scott Pole Station. The
IceCube apparatus comprises 86 strings, each holding 60 10-inch PMTs in a glass
sphere, constituting a Digital Optical Module (DOM). The distance between
DOMs on a string is 17 m and strings are distributed on a hexagonal footprint
at an average distance of 125 m from each other. The total instrumented volume
is about one cubic kilometre. Strings have been deployed drilling the ice shell
with hot water, putting the string in the hole and then letting the ice to freeze
again in order to fix the position of DOMs. Ice Cherenkov tanks are placed on
top of the detector, providing a cosmic ray detector that can help in rejecting
the background coming from downward-going atmospheric events.
The absorption length of light is up to three times larger than in water: light
can travel a much longer distance without being absorbed, enlarging the effective
volume of the detector. However, due to the presence of dust and air bubbles
that are trapped in ice, light scattering is much more probable than in water and
most of the detected photons are indirect [47]. This limits the reconstruction
performance of the detector in terms of angular resolution, especially in the case
of shower events. The first observation of cosmic neutrinos has been obtained by
the IceCube Collaboration. Details on this cosmic signal will be given in §2.2.
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Figure 2.5: Vertical intensity of atmospheric muon as a function of the depth, in
km of water equivalent, as measured by different under-water experiments [55].
2.1.4 Background events
The most abundant signal in a neutrino telescope is given by atmospheric
muon bundles produced by the decay of short-lived particles in CR extensive
air showers. High energy muons are highly penetrating particles and can reach
the detector even if it is located under a couple of km of shielding material.
When these penetrating muons are above the Cherenkov threshold, their light
can be detected by the optical sensors. In order to remove this huge background
a geometrical selection is applied. Atmospheric muons can only be downward-
going tracks and upward-going muon tracks are due to neutrino-induced muons
only, since neutrinos are the only particles that can traverse the Earth. Indeed,
already at ∼ 14 km water equivalent all atmospheric muons are absorbed and
muon tracks are only induced by neutrinos (figure 2.5). For this reason, the
search for neutrinos is mainly done looking downward. Nonetheless, the Cherekov
radiation produced by atmospheric muon bundles induces signals on the PMTs
that the reconstruction algorithm can reconstruct as fake upward-going particles.
Strategies to reject this background of wrongly reconstructed atmospheric muons
from neutrino induced muons are defined and tested in every neutrino telescope.
An irreducible background for the observation of cosmic neutrinos is given by
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atmospheric neutrinos produced by the decays of short-lived particles (mainly
pions and kaons) produced by the interaction of primary CRs in the atmosphere.
The energy spectrum of these atmospheric neutrinos is, asymptotically, one
power law steeper than that of cosmic rays. Cosmic neutrinos that are produced
at the CR acceleration sites are expected to follow the same power law spectrum
as primary particles at the source. Since the energy spectrum of primary CRs
at the top of the atmosphere is steeper than what expected at the acceleration
sites because of the propagation of primaries in the galaxy, cosmic neutrinos can
be differentiated from atmospheric neutrinos by an energy estimation. Beyond
100 TeV (20 TeV), cosmic muon (electron) neutrinos are expected to be more
abundant than the atmospheric component. The atmospheric background for tau
neutrinos can be considered negligible, apart from small effects at low energies
coming from the oscillation of atmospheric νµ and a possible prompt component
at extremely high energies. Details on the modelisation of atmospheric neutrino
fluxes will be presented in §5.1.
2.2 The IceCube signal
2.2.1 Signal characterisation
The IceCube detector has obtained so far the sole observation of high energy
cosmic neutrinos. The first evidence of such a signal was found in the search
for very high energy neutrino events of cosmogenic (GZK) origin [66]. Two PeV
cascade-like neutrino events were found when the expectation from atmospheric
backgrounds was almost negligible. These two events (nick-named “Ernie” and
“Bert”, sketched in figure 2.6) were at the low energy end of the analysis sensitivity
range and could not be related to any of the models for cosmogenic neutrino fluxes.
The null signal hypothesis (i.e. pure atmospheric origin) could be discarded at
2.8σ significance level.
The further analysis of IceCube data searched for high energy starting events
(HESE) [67, 68, 69]. In this search a veto strategy is applied to reject downgoing
atmospheric muons and neutrinos. Indeed atmospheric neutrinos from extensive
air showers are expected to be accompanied by muon bundles produced in
the same CR interaction. In the presence of a recognisable signal coming from
downward-going atmospheric muons, namely in the external layers of the detector,
an event is discarded since it is extremely likely to be atmospheric. On the other
hand, high energy events starting inside the instrumented volume in general are
not related to air showers and represent a clear signal of cosmic events. In the
case of upward-going events this is not true anymore, but since a high-energy
selection is applied and since at the PeV energy range the Earth is almost opaque
to neutrinos, this part of the sky does not contribute too much to the sensitivity
and to the background.
The first HESE data sample (including the first two years of data acquisition
with the complete IceCube detector [67]) counts 28 events over an expected
background of 10.6+5.0−3.6 from atmospheric neutrinos and muons. The significance
of the discovery corresponds to a 4.8σ excess over the background only hypothesis.
The addition of a third [68] and fourth year [69] of data increases the significance
of the discovery to 5.7 and 6.5σ respectively, the latter reporting a final sample
of 54 cosmic neutrinos candidates with an expected background of 9.0+8.0−2.2 and
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Figure 2.6: Event display from the IceCube neutrino telescope for the first two
observed PeV neutrinos, nick-named “Bert” and “Ernie” [66]. Each sphere
represents and hit DOM: the colour code shows the timing of hits, while the size
of the sphere represents its measured charge. The shower signature is evident as
a large amount of light is emitted and propagates spherically from the interaction
vertex.
12.6±5.1 events from atmospheric neutrinos and muons respectively.
The energy spectrum obtained with the 2 years HESE sample can be repre-
sented with an unbroken power law:
Φν = Φ0E
−Γ GeV cm−2 s−1 sr−1 (2.5)
where the spectral index Γ = 2.0 and the normalization, per neutrino flavour,
Φ0 = (1.2± 0.4)× 10−8. Adding the 3rd year of data with the complete detector
more low energy events are observed while a lack of multi-PeV neutrinos suggests
a steeper spectral index or a cut-off at the highest energies. The best fit per
flavour is reported to be as:
E2Φ(E) = 1.5× 10−18(E/100 TeV)−0.3GeV cm−2 s−1 sr−1. (2.6)
In particular, the absence of Glashow-resonance events, produced by resonant
ν¯eCC interaction at about 6.4 PeV, favours these hypotheses. Also the 4th year
of HESE data strengthens this scenario.
A significant excess of events appears also in the upward-going tracks channel,
where only muon neutrinos undergoing CC interaction are observed. This data
set is independent of the HESE sample since it is made of passing through muons,
which would be rejected by the adopted veto strategy. In addition, this analysis
looks only at upward-going tracks, thus at the Northern sky. In this case a slight
tension is observed with respect to HESE data, since the best fitting spectral
index is 2.2±0.2 – for Γ = 2.0 the best fit normalisation at 100 TeV is Φ0 =
9.9+3.9−3.4×10−19 per flavour. This hypothesis can be rejected at a significance level
of 3σ with the HESE analysis.
The data sample is consistent with equipartition in the three neutrino flavours
[72], as expected from neutrino oscillation over cosmic distances and standard
neutrino production scenarios. In particular, at PeV energies, showers and
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Figure 2.7: Exclusion regions for astrophysical flavour rations (fe, fµ, fτ )⊕ at
Earth. The numerical labels for each flavour refer to the tilted lines inside the
triangle. Neutrino oscillations averaged over cosmic distances map the flavour
ratio at sources points within the narrow blue triangle at the centre of the figure.
(1:1:1)⊕ composition at Earth resulting from a (1:2:0)S source composition is
marked with a blue circle; the compositions at Earth coming from a source
composition of (0:1:0)S and (1:0:0)S are marked with a red triangle and a green
square. Though the best fit composition at Earth (black cross) is (0:0.2:0.8)⊕,
the limits are consistent with all possible source compositions [72].
tau double-bang events can be hardly distinguished in the IceCube detector:
tau events represent a background free channel for cosmic searches and the
measurement of the fraction of ντ interactions, and thus the knowledge of the
exact content of showers in the sample, would disentangle p − p from p − γ
production scenarios as explained in ref. [73].
The sky map of the 54 cosmic neutrino candidates is reported in figure
2.8. No significant clustering of events could be identified in the data sample,
suggesting a diffuse isotropic flux of neutrinos. This could be due a bias in the
search strategy that favours cascade events, for which the angular resolution of
the IceCube detector is of the order of 10–20 degrees. Indeed, also a standard
point source search in the muon channel did not report any significant hints of
individual sources of cosmic neutrinos [74]. Some accumulation of events seems
however to be present in a few regions of the sky and a “hotspot” could be
identified in the 2 and 3 years sample, specifically at galactic coordinates (`
= 18◦, b = -9◦), computing the average direction of the reconstructed events
weighted according to their estimated energy and angular error.
2.2.2 Possible interpretations
A diffuse flux of high energy neutrinos can be attributed either to the
propagation of high energy primary CRs in the Universe or to an ensemble of
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Figure 2.8: Sky map in galactic coordinates for the 4 years IceCube HESE
sample [69]. Colour code reports the pre-trial probability of an excess over the
expected background. No significant clustering of events is evident.
neutrino sources which cannot be individually resolved by the detector or that
are too faint to produce a detectable signal.
Typically, models of extra-galactic sources (as AGN or γ-ray bursts) foresee
that neutrinos are generated via photo-hadronic interactions of high energy pro-
tons with low-energy photons of the background. These models are characterized
by relatively high-energy thresholds (due to the charged pion production) and
disfavour a soft neutrino spectrum [75, 76]. Neutrinos produced by proton-proton
(or nucleus) interactions have a spectrum that also follows that of the parent
hadron spectrum but lower energy threshold [77]. This mechanism leads to the
production of neutrinos through the decay chain of induced charged mesons
(mainly pions) with spectral index Γ ' 2 for neutrinos produced by point-like
sources. Stringent limits on the point source origin of the IceCube cosmic signal
have been set with ANTARES data in the Southern sky [78].
It has been pointed out [70] that a Northern/Southern sky anisotropy might
be present in the selected data sample of [68]. This can be also seen when
looking at the energy distribution of events presented in figure 2.9: for deposited
energies around 50 TeV some discrepancy is visible in data coming from the
Southern hemisphere with respect to the expectations from atmospheric and
cosmic events under the assumption of isotropy. Looking at events above 60 TeV,
20 events are detected, 5 coming from the Northern hemisphere and 15 from
the Southern hemisphere. Part of this difference is due to neutrino absorption
through the Earth, which is significantly relevant in this energy regime. The
expected background is of 1.4 and 1.3 events respectively, which correspondingly
produces an effective signal rate of 3.6 and 13.7 events. Since the Northern sky
does not include a significant portion of the Galaxy, that part of signal can be
considered completely extra-galactic. Considering the IceCube neutrino effective
areas shown in ref. [67], the extra-galactic component in the Southern sky can be
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Figure 2.9: Deposited energy distribution of IceCube events selected (black
crosses) in the analysis of [71], left panel for the Southern sky, right for the
Northern sky. The yellow area represent the sum of all atmospheric neutrino
contributions, the red area is (stacked) the contribution from atmospheric muon
penetrating the veto while the light blue histogram is the best fit (all-sky) to
the signal. An excess of events appears between 50 and 100 TeV of deposited
energy in the Southern sky, not seen in the Northern hemisphere.
estimated to produce 6.2 events. The excess of events (∼ 7.5 events) could then
be attributed to an anisotropy which can be due to the presence of the Galactic
Plane.
In ref. [79] it has been pointed out that in the 4 years IceCube sample a
3σ excess of events could be present in the band between ±10 degrees around
the Galactic Plane at energies above 100 TeV with respect to the isotropic
assumption. In this calculation up to 1/4 of the overall IceCube flux could be
explained by a further galactic component, possibly related to the diffuse flux of
neutrinos coming from the Galactic Plane.
Apart from the abundance of possible neutrino sources along the Galactic
Plane, a diffuse flux of neutrinos is expected from CR interaction in the interstellar
medium. CRs propagating and interacting in the Galaxy would produce a
neutrino flux that should follow the energy spectrum of the primaries. The CR
spectrum in the Galaxy is softer than what is expected at extra-galactic sources:
a softer neutrino spectrum should be expected from the Southern sky, dominated
by the Galactic Plane, with respect to the Northern sky, where the extra-galactic
component is more relevant.
Space and time correlations with many objects have been searched for. High
energy neutrinos can be produced by transient sources of γ-rays, being GRBs
and AGN probably accelerating cosmic rays to the highest energy, thus expected
to produce neutrinos. The search for coincident neutrinos from GRBs has not
reported any correlation and stringent limits on neutrino emission models from
these objects have been put by the IceCube Collaboration [80].
Correlations between IceCube HESE and blazars – active galactic nuclei
whose jet is aligned along the line of sight – has been searched for with the
TANAMI radio array. The analysis reported a possible coincidence with high-
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fluence blazars, though compatible with background expectations. The analysis
of ANTARES data, not reporting any significant excess, constrains the intensity
of neutrino production at this object [81].
The authors of [82] reported that one of the most energetic event of the
IceCube HESE sample happened a few hours after the most intense X-ray flare
ever registered from Sag A*, the central supermassive black hole of our Galaxy,
with a chance probability of 0.9%. Modelling the possible emission of neutrinos
from hadronic mechanisms to produce this kind of events, a TeV γ-ray flux from
Sag A* is expected to be observed by ground Cherenkov γ-ray telescopes.
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Chapter 3
Neutrinos from the Milky
Way
The neutrino flux coming from cosmic ray propagation in the central region
of our Galaxy can be estimated in two different ways: either with a theoret-
ical/computational approach based on assumed cosmic ray spectra, matter
distribution in the Galaxy and intensity of galactic magnetic fields or with
a phenomenological one based on gamma ray observations coming from the
Fermi-LAT instrument – according to which only the fraction of γ-ray coming
from cosmic ray interactions needs to be known.
3.1 Model ingredients
3.1.1 Our Galaxy
Galaxies are classified according to their Hubble type [83], introduced in
1925 by Edwin Hubble. A schematic representation of this is shown in figure
3.1. Most of the known galaxies are elliptical, denoted by the letter E followed
by a number representing the ellipticity: 0 is nearly spherical and 7 is the most
ellipse-like. Most of the remaining galaxies are spiral galaxies, grouped into two
classes: those with a bar (about one-third of the spirals) and those without.
Spiral galaxies are indicated with the letter S and a second letter (a, b or c)
specifying how tightly wound the spiral arms are, with type Sa having the most
tightly wound arms. For barred spiral galaxies, an additional B follows the S. A
few percent of galaxies do not show any regularity. These irregular galaxies are
classified as Irr.
Since the Milky Way contains the Earth, its precise classification is difficult.
It is known that we live in a barred spiral galaxy, but not exactly how tightly
wound the spiral arms are. It should be between type SBb and SBc, also denoted
by SBbc [84]. The Milky Way, like other galaxies, consists of stars, gas, dust
and some form of dark matter. For (barred) spiral galaxies the components
are organised into a disk, containing the spiral arms, a bulge and a halo. For
elliptical galaxies the disk is not present, since they only consist of a bulge and
a halo. The structural components of our Galaxy are:
• The dark-matter halo. The main structural component is the dark-matter
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Figure 3.1: Hubble scheme for galaxy classification. See text for details. Image
credit NASA.
halo. The mass of dark matter in the Milky Way is estimated to be about
1012 M (where M denotes the mass of our Sun: 2×1030 kg). Dark matter
is the main responsible for holding gravitationally the Galaxy together.
The dark-matter halo is thought to have the form of a flattened sphere,
specifically an oblate spheroid. The exact size of the dark-matter halo
cannot be quoted, since it has not been observed directly. By looking at
its effect on the Magellanic Clouds, its diameter is at least 100–120 kpc.
• The disk. Most of the luminous matter is within a thin disk, which also
contains the Solar System. Its mass is approximately one-tenth of the
mass of the dark-matter halo. It consists of stars and the interstellar
medium (ISM). The ISM is mainly composed of gas and dust, magnetic
fields are present and cosmic rays propagate through it. Since we are
located within the galactic disk, it appears as a band of diffuse light on
the sky. It is difficult to define the radius of the disk. The stellar disk
has an apparent radius of 15 kpc, but the gas and in particular the atomic
hydrogen disk extends to about 25 kpc, although the density decreases
considerably beyond 15 kpc. The total height of the galactic disk is about
1 kpc. Our solar system is located near the inner edge of the local Orion-
Cygnus arm (Local Arm) at about 8.5 kpc from the Galactic Centre and
15 pc above the midplane.
• The bulge. The density of stars rapidly increases close to the centre of the
Galaxy and their distribution is more spherical. This region is called the
“bulge” and it is thought to have an elongated shape, making the Milky
Way a barred spiral galaxy. The bulge extends to about 3 kpc on either
side of the Galactic Centre and has a height (and width) of about 2 kpc.
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Figure 3.2: Edge-on artistic view of the Milky Way. Figure reproduced after
http://woodahl.physics.iupui.edu/Astro105/milkyonedge.jpg.
Figure 3.3: Face-on artistic view of the Milky Way. Image credit Robert Hurt,
IPAC; Bill Saxton, NRAO/AUI/NSF.
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The interstellar medium
The matter in the ISM is made up of gas (in atomic, ionized and molecular
forms) and dust. It is concentrated near the Galactic Plane, typically within
150 pc above/below the plane, and in the spiral arms. It has a total mass
of about 1010 M. About half of the interstellar mass is confined into clouds
which only occupy 1–2% of the interstellar volume. The chemical composition of
the interstellar matter is mainly hydrogen (70.4% by mass, 90.8% by number).
Helium makes up 28.1% of the mass (9.1% by number) and the remaining 1.5%
of the mass consists of heavier elements (referred to as metals by astronomers).
• Neutral atomic gas. Here we only speak of hydrogen since it is the most
abundant element in the interstellar matter. The main method of detecting
neutral atomic hydrogen (denoted by HI) is via the observation of the
21-cm line. HI is present in two thermal phases:
1. A cold phase with temperatures between 50 and 100 K, located in
dense clouds (also called HI regions), with a hydrogen density of
20-50 cm−3.
2. A warm phase with temperatures between 6000 and 10000 K, located
in the so-called inter-cloud medium, with a hydrogen density of
∼ 0.3 cm−3.
The HI density in the immediate vicinity of the Sun is lower than the
values quoted above. It turns out that our solar system is located inside an
HI cavity, called the Local Bubble. This structure has a width of about 100
pc in the Galactic Plane and is elongated along the vertical. It is filled
with ionised hydrogen with a very low density (only ∼ 0.005 cm−3), but
which has temperatures of nearly 106 K. The Local Bubble was carved out
by a series of past supernovae.
As noted before, most of the atomic gas is located in the disk and is
concentrated near the Galactic Plane. The exponential scale height of the
cold phase is about 100 pc. For the warm phase, two vertical scale heights
components are seen: one Gaussian with a scale height of about 300 pc,
the other exponential with a scale height of about 400 pc. The disk, where
the neutral atomic gas is located, is flat and centred around the Galactic
Plane only up to distances of about 12 kpc from the Galactic Centre. At
larger distances it is tilted, with the gas reaching heights above/below the
plane of 1 to 2 kpc.
• Ionised gas. Ionised hydrogen (denoted by HII) can be detected using the
Hα line, which has a wavelength of 656.28 nm. It is one of the Balmer lines
and is created when the electron of a hydrogen atom changes its excitation
state from n = 3 to n = 2. HII regions are due to the UV radiation
emitted by hot O and B stars (the most massive and hottest stars in the
Milky Way). Inside a HII region, ions and free electrons continuously
recombine: as a consequence the newly created neutral hydrogen will be
ionised once more. The size of the region is determined by the equilibrium
of the recombination rate with the photo-ionisation rate. Also ionised
hydrogen is present in two thermal phases:
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1. A warm phase with temperatures between 6000 and 10000 K, mainly
located in the inter-cloud medium (90%), but also partly in HII
regions (10%), with a hydrogen density of about 0.04 cm−3.
2. A hot phase with temperatures above 106 K which extends into the
galactic halo, with a very low hydrogen density of about 0.003 cm−3.
HII regions are highly concentrated along the Galactic Plane, with a scale
height of about 70 pc, while the diffuse component located in the inter-
cloud medium has a scale height around 1 kpc. A Gaussian dependence
on distance to the Galactic Centre is observed for HII region, with a
scale length of 20 kpc and which peaks around 4 kpc, then decreases again
towards the Galactic Centre.
The hot interstellar gas is generated by supernova explosions and stellar
winds from the progenitor stars. The hot gas is very buoyant and is located
in bubbles (like the Local Bubble described above) and fountains that rain
gas back onto the galactic disk. Because of this, it has a large scale height
of about 3 kpc, although the uncertainty on this value is quite large.
• Molecular gas. Molecular gas is expected where the density is high (as
there is a higher chance of atoms meeting each other and binding), the
temperature is low (below about 100 K, which avoids collisional disruption)
and the UV flux is low (avoiding UV-induced disruption). These conditions
are met in cool dense clouds, which are thus called molecular clouds.
Molecular clouds themselves are organised in complexes with typical sizes
between 20 and 100 pc and a mean hydrogen number density between 100
and 1000 cm−3. Cloud complexes are mostly located along the spiral arms
and are particularly numerous at distances between 4 and 7 kpc from the
Galactic Centre.
The most abundant interstellar molecule is H2. It cannot be observed
directly, since it has no permanent electric dipole moment and only a
very small moment of inertia. Thus, it does not produce significant emis-
sion/absorption by rotational or vibrational transition. Most of what is
known about molecular interstellar gas comes from the use of the so-called
“tracers”. The main tracer is the CO molecule (the second most abundant
interstellar molecule), which can be observed in its J = 1 → 0 rotational
transition at a radio wavelength of 2.6 mm.
• Dust. Dust consists of tiny lumps of solid compounds, mostly made of
carbon, oxygen and silicon. The typical size of a dust particle is about 0.1
to 1µm, which makes it comparable in size to the wavelength of visible
light. Dust is therefore a very efficient absorber and scatterer of visible
light. The total mass of the dust is only about 0.1% of the total mass of
the stars, but dust is still very important for a number of processes. It
catalyses the formation of molecular hydrogen and also shields H2 against
UV light. It is also thought to be important for the formation of planets,
since planetary formation can start with the coagulation of dust grains
into planetesimals, which can eventually turn into planets.
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Magnetic fields
The observation of the polarisation of starlight from distant stars was the
first evidence for the presence of magnetic fields in the ISM. The polarisation is
caused by dust grains, the short axis of which aligns with the local magnetic field.
Radiation with electric field vector parallel to the long axis of the dust grain
is mostly absorbed, leading to polarisation along the direction of the magnetic
field. Polarisation measurements only tell us about the direction of the galactic
magnetic field. The strength of the magnetic field can be inferred by other
means, such as Zeeman splitting of the 21-cm HI line and Faraday rotation of
light from pulsars [85].
The intensity of the magnetic field at our location in the Galaxy is 3–5µG
[86]. The galactic magnetic field consists of two components. A large scale field
(also called the “regular” or “uniform” component) which evolves slowly and
has a local magnitude of about 1.4µG and a small scale field (also called the
“irregular” or “random” component) representing the fluctuations on the large
scale field.
While the measurement of local magnetic fields is relatively easy, since
magnetometers can be put aboard spacecraft, magnetic fields further away in
the Galaxy are much more difficult to measure. For this reason there is still
some tension about the exact topology and intensity of the magnetic field, but a
few properties are widely accepted. The regular magnetic field component in the
disk has a strong azimuthal component and a smaller radial component, whose
magnitude is not known. As viewed from the North Galactic Pole, the direction
of the regular field is clockwise while the direction in the Sagittarius Arm is
counter-clockwise. This is the only field reversal upon which there is generally
agreement. However, it is also possible that there are more magnetic field
reversals. Uncertainties are still present concerning the topology of the regular
field in the disk, and both axis-symmetric and bi-symmetric spiral configurations
are plausible. The strength of the regular field increases smoothly towards the
Galactic Centre, reaching about 4.4 µG at a radial distance of 4 kpc [85].
The regular field consists of two separate field layers, the first localised in the
disk and the other, which is one order of magnitude weaker, extending into the
galactic halo. The transition between the layers takes place at a typical distance
of 0.4 kpc above/below the Galactic Plane [87]. The scale height of the halo field
is about 1.4 kpc. It is not known if the magnetic field in the halo is symmetric
above and below the Galactic Plane (dipole), or anti-symmetric (quadrupole).
The random magnetic field, which is associated with turbulent interstellar
plasma, has a local intensity of about 5 µG and is also thought to consist of
both a disk and a halo component. The strength of the disk component varies in
each spiral arm and decreases as 1/r (with r being the radial distance from the
Galactic Centre) for radii larger than 5 kpc [85]. The halo component decreases
exponentially as a function of the radius and is Gaussian in the vertical direction,
with a scale height comparable to the halo component of the regular magnetic
field. The random field has a typical coherence length scale of the order of 100
pc.
Even though the magnetic field in the halo is one order of magnitude weaker
than that in the disk, it is of great importance for the propagation of cosmic
rays, being further extended in height. Since the intensity and scale height
of the uniform and random components are of the same order of magnitude,
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the transport of cosmic rays in the Galaxy takes place under highly turbulent
conditions.
3.1.2 Cosmic rays in the Milky Way
As described in §1.1, cosmic rays are charged particles, consisting primarily
of protons. Most of the cosmic rays is produced in galactic sources, even
though there is no consensus yet on their origin. The prime candidates for their
production and acceleration in the Milky Way are SNRs. Many possible sources
are located in the Galactic Plane. After production, the propagation of cosmic
rays through the Galaxy and their interactions with the matter and magnetic
fields previously described must be taken into account.
Transport of cosmic rays
After acceleration, cosmic ray particles propagate through the interstellar
medium under the influence of the interstellar magnetic field. This field confines
cosmic rays into the Galaxy, since they are forced to gyrate about the magnetic
field lines, following a circular orbit with radius:
rL =
p
qB
(3.1)
where rL is the Larmor radius, p is the momentum of the particle, q is its
charge and B is the intensity of the magnetic field. Considering that the average
strength of the magnetic field in the Milky Way is ∼ 3µG, the Larmor radius
for a proton (Z = 1) with an energy of 106 GeV is 0.36 pc, which becomes 360
pc for a proton with an energy of 109 GeV. Cosmic rays with energies up to at
least about 108 GeV are contained in the Galaxy. In the direction parallel to the
magnetic field lines, the cosmic ray particles diffuse through the Galaxy due to
the random component of the magnetic field. This component is coherent over
length scales of about 100 pc, which is small compared to the size of the Milky
Way. This explains the isotropy and long confinement time in the Galaxy (which
is inferred from unstable isotopes, see below). Besides diffusion, convection can
also play a role in the transport of cosmic rays. This effect is inferred from the
observation of galactic winds in many galaxies [88].
While propagating through the Galaxy, cosmic rays can interact in several
ways. Some of them interact with the interstellar matter and produce secondary
particles in inelastic collisions. This process is responsible for the photon and
neutrino production. Cosmic ray nuclei can also break up in lighter nuclei like
Li, Be and B (referred to as the light elements) in collisions with the interstellar
gas. This process is known as spallation. As a result, the abundance of light
elements in cosmic rays exceeds the average solar system abundances of these
elements. The spallation process is the main way in which these light elements
are produced and most of the knowledge about cosmic ray propagation comes
from measurements of the abundances. In addition, unstable secondary such
as 10Be are produced in spallation process and they can be used to deduce the
average cosmic ray lifetime.
Besides losing energy, cosmic rays can also gain energy by scattering off shock
fronts or randomly moving magnetic waves. This process is known as diffusive
re-acceleration.
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In the most general form, the cosmic ray transport can be formulated as [88]:
∂Φ (−→r , p, t)
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= Q (−→r , p, t) +−→∇ ·
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where Φ(r, p, t) is the cosmic ray density at a certain position position r at a
time t for a particle with momentum p, Q(r, p, t) is the source term (representing
the cosmic ray sources and including production by spallation and decay), Dxx
is the spatial diffusion tensor, V is the convection velocity, Dpp is the diffusion
coefficient in momentum space (representing diffusive re-acceleration), τf is the
timescale for loss by fragmentation and τd is the timescale for radioactive decay.
The cosmic ray transport equation introduced above can be solved by starting
with the solution for the heaviest primaries (since they can only be produced at
the source, and not via spallation or decay) and using this solution to compute
that of lighter primaries in an iterative way. Because of the complexity, this can
best be done numerically with, for example, the GALPROP code [89].
Several things can happen to cosmic rays. It is generally believed that they
eventually disappear, either by diffusing to the edge of the Galaxy where they
then have a finite chance to leak out into intergalactic space, or by means of
convection. It is also possible however, that they lose all their energy by inelastic
collisions with the interstellar matter. And of course, some of the cosmic rays
end up in the atmosphere of the Earth, where they interact and can be observed.
3.2 Theoretical models
Having introduced the ingredients for the calculation of the flux of neutrinos
coming from CR propagation in the Galaxy, an overview of a few theoretical
predictions can be drawn. A large number of modelisations of the galactic
neutrino flux have been made, and only a few will be illustrated here. These
models either try to solve the problem analytically or numerically. The first
approach needs some assumptions in order to simplify the CR transport equations
(eq. 3.2) and then compute the resulting neutrino flux; the numerical approach
relies on the use of simulation codes such as GALPROP [89] or DRAGON [90]
for the solution of the problem.
3.2.1 Analytical computations
An analytical description of the neutrino flux coming from the interaction
of cosmic rays with a dense medium is provided by the authors of [91]. The
neutrino intensity Iν(E) is given by
Iν = ˆMdCRngas
∑
i
∫ ∞
AiE
dE′Ii(E′)σinelAip(E
′/Ai)
dnAip→ν(E
′/Ai, E)
dE
(3.3)
where the sum runs over the primary CR mass group i, Ii(E) is the partial
intensity for the i-th group, ngas is the gas density, and dCR is the path-length
travelled by the CRs. For simplicity a uniform gas density is assumed and the
dependence of the confinement time on the charge of the nucleus is neglected.
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The helium contribution in the interstellar medium is taken into account by
means of an enhancement factor ˆM ' 1.3 for neutrinos in the PeV energy
range, to take into account the relative abundance of helium in the medium
and its effects on neutrino production. Particle physics enters via the inelastic
cross section σinelAp (EA) for an interaction of a nucleus of mass number A and
energy per nucleon EA with a proton, and the neutrino production spectrum
dnAp→ν(Ea,E)/dE per inelastic event. The latter is defined as the convolution
of the production spectra for different hadron species and the spectra for their
decays into neutrinos,
dnAp→ν(Ea, E)
dE
=
∑
h
∫
dEh
dnAp→h(EA, Eh)
dEh
× dn
dec
h→ν(Eh, E)
dE
(3.4)
Introducing the energy fraction z=E/(E′/Ai) of the produced neutrinos in eq. 3.3,
we can rewrite it in the case of power-law energy spectra of the CRs, Ii(E)∝E−α
Iν = ˆMdCRngas
∑
i
Ii(E)Z
ν
A(E,αi) (3.5)
where the so-called “Z-factors” ZνA [92] for neutrino production are defined as
ZνA = A
−α
∫ 1
0
dz zα−1σinelAp (E/z)×
dnAp→ν(E/z, z)
dz
(3.6)
Using eq. 3.4, the neutrino Z-factors can be expressed in terms of the hadron
production Z-factors, in the high-energy limit, as
ZνA(E,α) =
∑
h
∫ 1
0
dzνz
α−1
ν f
dec
h→ν(zν)Z
hadr
A (E/zν , α) (3.7)
where ZhadrA are defined similarly to Z
ν
A
ZhadrA (E,α) = A
−α
∫ 1
0
dz zα−1σinelAp (E/z)×
dnAp→h(E/z, z)
dz
(3.8)
and fdech→ν are the spectra for hadron decays into neutrinos.
All the dependencies on the properties of proton-proton and nucleus-proton
interactions are included in the hadronic Z-factors. They also define how strongly
the contribution to neutrino production from primary CR nuclei is suppressed
relative to the one of protons. Due to the steep slopes αi of the primary spectra,
these Z-factors are dominated by the hadron spectra in the very forward direction.
One can then estimate the suppression of the nuclear contribution, using the
relation for the mean number of interacting (“wounded”) projectile nucleons
〈nWpAB(E)〉 for the collision of nucleus A on nucleus B:
〈nWpAB(E)〉 =
AσinelpB (E)
σinelAB (E)
(3.9)
neglecting the contribution coming from target diffraction. The forward (z→1)
spectra of secondary hadrons become
dnAp→h(E, z)
dz
' 〈nWpAB(E)〉
dnpp→h(E, z)
dz
= A
Aσinelpp (E)
σinelAp (E)
dnpp→h(E, z)
dz
(3.10)
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Substituting eq. 3.10 in eq. 3.8 the hadron Z-factors become
ZhadrA (E,α) ' A1−αZhadrp (E,α) (3.11)
which leads to
Iν(E) ' ˆMdCRngas
∑
i
Ii(E)Z
ν
p (E,αi)A
1−α
i (3.12)
All the Z-factors can be computed using a specific model of hadronic interactions
and the resulting neutrino intensity is computed.
This holds where a simple power-law behaviour can describe the CR primary
flux dominated by protons. Approaching the knee region a power-law description
of the CR flux does not represent well the energy spectrum anymore and, though
direct measurement are not available, the CR composition changes to heavier
elements. The elemental composition of the total CR flux is not well known and
different parametrisations are available [93]. For this energy region, a differential
computation can be done assuming a varying slope of the CR spectrum and the
relative proportion of heavier elements to proton.
The only missing item is the interaction distance of CRs in the Milky Way.
This can be computed modelising the matter distribution in the Galaxy and
considering the interaction cross section of the different primary species.
3.2.2 Numerical computations
Though an analytical solution of the CR propagation and interaction equa-
tions allows for a direct evaluation of the neutrino flux, its result is strongly
dependent on the assumptions that are made and valid only under specific
simplifications, as shown in the previous section. More accurate estimations are
provided by full numerical computations, where the entire process of propagation
and interaction of cosmic rays is simulated, using specific codes which take into
account the underlying physics. Moreover they provide the spectra of every
particle species at Earth, since all of them are propagated. This allows the tuning
of neutrino spectra with experimental data coming from other measurements,
such as those from CR and γ-ray observatories.
The authors of [94] have computed the diffuse neutrino flux from the Milky
Way exploiting a full simulation of cosmic rays propagating and interacting in
the galaxy. Their simulation assumes that the local observation of CRs does not
reflect their behaviour in the entire galaxy, and a variable diffusion coefficient
could explain different anomalies coming from experimental observations. In
particular the large γ-ray flux at a median energy of 15 TeV observed in the
Galactic Plane by the MILAGRO experiment [95] does not match the extrap-
olation of Fermi-LAT data under the usual assumption for CR models in the
Galaxy [28]. Moreover conventional models systematically underestimate the low
energy γ-ray spectrum measured with the Fermi-LAT instrument. Correction to
different modelisation of the γ-ray production in the Galaxy can fix these issues
but usually produce further anomalies when compared to data. The following
assumptions enter the simulation:
1. the diffusion coefficient for CRs δ has a galactocentric radial dependence
δ(R) = AR + B for R < 11 kpc where A = 0.035 kpc−1 and B = 0.21
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Figure 3.4: Predicted γ-ray fluxes from the model of ref. [94]. The region of the
MILAGRO excess is shown, and the different components of the spectrum are
reported as explained in the legend. Fermi-LAT and MILAGRO data are shown,
together with the expected performance of the CTA and HAWC experiments
so that δ(RSun) = 0.5, compatible with current models of the interstellar
medium. This behaviour may have different physical interpretations, e.g.
a smooth transition between a dominant parallel escape along the poloidal
component of the regular Galactic magnetic field (in the inner Galaxy,
where δ is lower) and a perpendicular escape with respect to the regular
field lying in the plane (in the outer Galaxy, where the scaling is steeper);
2. An advective wind for R < 6.5 kpc with velocity VC(z)zˆ (where z is the
distance from the Galactic Plane) vanishing at z = 0 and growing as
dVc/dz = 100 km s
−1 kpc−1 is also included. This ingredient is motivated
by the X-ray ROSAT observations [96];
3. The vertical dependence of the diffusion coefficient is taken as D(z) ∝
exp(z/zt);
4. The halo size is zt = 4 kpc for all values of R.
The observed γ-ray spectra at both low and mid galactic latitudes, including
the Galactic Centre, are reproduced by this model without spoiling local CR
observables: proton, antiproton and helium spectra, B/C and 10Be/9Be ratios.
Moreover, this scenario naturally accounts for the radial dependence in the
CR spectrum found by the Fermi Collaboration [97]. This model is referred to
as “KRAγ” since it is tuned on γ-ray data. This setup is implemented with
the numerical code DRAGON [90], designed to compute the propagation of all
CR species. The γ-ray spectrum produced by the model for the region of the
MILAGRO anomaly is reported in figure 3.4.
A hardening of the proton and helium spectrum is observed by the PAMELA
[98] and AMS-02 [99] experiments. This can be driven by two options: 1) local
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Figure 3.5: Predicted neutrino fluxes from the model of ref. [94]. The plot
refers to the inner part of the Galactic Plane, for which the red lines report
the neutrino expectations from the model of [94] without the assumption of a
variable CR diffusion coefficient (KRA model) while the blue lines assume a
radial dependence as described in the text (KRAγ model). Solid and dashed
lines refer to different CR cut-off energies. The models are compared to the
γ-ray measurement from Fermi-LAT (purple symbols) and its extrapolation
(dot-dashed line) to the IceCube measurement reported as green and black dots
for the 2 years [67] and 3 years [68] samples respectively as reported in ref. [100]
hardening originating from nearby CR accelerators; 2) global hardening from a
spectral feature in the rigidity dependence of CR source spectra or the diffusion
coefficient. In both cases it is assumed that CR spectra extend up to a certain
Ecut/nucleon energy cut-off. Different cut-off energies are measured in CR
experiments: a 5 PeV or a 50 PeV cut-off have been simulated. The resulting
neutrino spectra are shown in figure 3.5.
3.3 Neutrino flux from γ observations
An independent estimate for the neutrino flux can be obtained using the
γ-ray flux measured by the Fermi satellite and converting it into a neutrino flux.
Part of the diffuse γ-ray flux observed in the central part of the Milky Way is of
hadronic origin, i.e. comes from pi0 decays. The main assumption to be made
for estimating the neutrino flux from γ-ray observations is the fraction of the
γ-ray flux coming from pi0 decays.
Such a procedure has been applied in ref. [101], in which γ-ray data measured
by the Cherenkov telescope MILAGRO in combination with the X-ray satellite
EGRET data are used. The procedure applied in that paper uses some simplifying
assumptions. It is assumed that all photons are of hadronic origin and the flux
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in the inner Galaxy (|`| ≤ 40◦ and |b| ≤ 2◦) is obtained by scaling the MILAGRO
results (which only measures the part of the inner Galaxy between a longitude
of 30◦ and 40◦) with the help of the EGRET results.
In ref. [41] instead, data collected by the Fermi Collaboration are used, cover-
ing the full sky with higher statistics and a good angular resolution. Although
Fermi data do not extend to energies of 10 TeV like the MILAGRO data, the
high-energy threshold is large enough (of the order of 600 GeV) to give a reliable
estimate of the expected neutrino fluxes.
The LAT instrument aboard the Fermi satellite detects photons from about
20 MeV to over 300 GeV by recording the electron-positron pairs created by
individual γ-rays [102]. The Fermi collaboration provides these data, for which
they have subtracted the fluxes of all known point sources, in term of measured
flux binned in energy pixelled in their galactic coordinates. A simple single
power law describes well the data above 3.4 GeV in each of the pixels. In general
a single power law cannot be used for the whole region of interest.
Several mechanisms can produce gamma rays:
1. Synchrotron radiation, which occurs when a charged particle is deflected
in a magnetic field;
2. Bremsstrahlung, in the case the charged particle is deflected in the Coulomb
field of a nucleus;
3. Inverse Compton (IC) scattering, in which a low energy photon (for instance
from the cosmic microwave background) is blue-shifted by the collision
with an energetic electron;
4. Matter-antimatter annihilation, mostly electron-positron and proton-antiproton
annihilations;
5. Decay of subatomic particles, like the pi0 or the η0 mesons.
Concerning the latter option, almost every subatomic particle has one or more
decay modes involving photons, but for the current discussion only the neutral
pion and η particle are important, since they are the lightest neutral unflavoured
mesons. Both are commonly produced in proton-proton interactions and con-
tribute to the number of observed γ-rays. Since about a factor of 10 more pi
particles than η particles are produced and the η0 only decays to photons in
about 44% of the cases (with respect to the 98.8% branching ratio of neutral
pions), the contribution from pions is dominant.
Among the mechanisms described above, IC scattering and pi0 decay are the
most important at photon energies larger than 10 GeV. The relative importance
of these two processes depends on the density of electrons and photons compared
to the density of CRs and interstellar matter. In the Galactic Plane, where the
density of protons is maximal, the main contribution will thus come from pi0,
while at high latitudes the IC scattering contribution is higher. The contributions
of these two processes have been determined by the Fermi Collaboration for
several regions in galactic coordinates.
Several different models are used by the Fermi Collaboration to fit the diffuse
γ flux, which differ in the CR source distribution, the size of the volume in which
the CRs can propagate and the distribution of interstellar matter. The models
are constrained to reproduce the locally observed CR fluxes and the predicted
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flux is compared to data using a maximum-likelihood fit. In this fit, the fluxes
and spectra of an isotropic γ-ray background component and of known point
sources, the strength of the infrared and optical radiation field and a parameter
related to the matter composition can be varied. The percentage of all photons
originating from neutral pion decays is around 70% at 10 GeV arriving at 45%
when extrapolating to 1 PeV for the inner part of the Galactic Plane.
Using a Monte Carlo code like Pythia [103] the neutral pion flux can be
determined from the observed γ spectrum since the gamma ray flux Φγ can be
described as
Φγ(Eγ) = dEpi0Yγ(Epi0 , Eγ)Φpi0(Epi0) (3.13)
where Φpi0 is the pi
0 flux and Yγ is the yield of γ-rays from neutral pions. This
factor Yγ can be indeed computed using Monte Carlo simulations and the relation
of equation 3.13 can be inverted. In order to obtain the expected neutrino fluxes
from γ observations, the charged pions flux must be computed. This is obtained
from that of neutral pions, since the production ratio between pi± and pi0 in
high energy proton-proton interactions is known from particle physics. Indeed
the sum of charged pions is equal to the number of neutral pi mesons. Since
charged pions are the main neutrino sources, the neutrino flux can be extracted
analogously to what is done in equation 3.13, where instead of γ-rays neutrinos
are considered.
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The ANTARES telescope
ANTARES (Astronomy with a Neutrino Telescope and Abyss environmental
RESearch) is at present the largest neutrino telescope in the Northern hemisphere
and the largest under-water neutrino detector [52]. Being in the Mediterranean
Sea, the detector has a good visibility of the Southern sky exploiting the re-
constructed tracks of upward-going neutrino-induced muons. This is the most
interesting region for cosmic neutrino searches due to the presence of the Galac-
tic Centre and Galactic Plane, where many neutrino emitting candidates are
expected (§1.1.2).
The ANTARES project has been set up in 1996 [104]. The first detection
line was connected in March 2006 [105] and the detector was completed in May
2008. It has been taking data continuously since then, becoming also the longest
operating under-water neutrino telescope. It is located at a depth of 2475 m in
the Mediterranean Sea at (42◦ 48′ N, 6◦ 10′ E), 40 km from La Seyne-sur-Mer
in the Gulf of Lion, Southern France (figure 4.1).
4.1 Detector layout
The ANTARES detector consists of 12 detection lines with 25 storeys each.
A standard storey includes three optical modules (OMs) [106], glass spheres
housing 10-inch photomultiplier tubes (PMTs) [107] and a local control module
(LCM) containing the off-shore electronics [108, 109]. The distance between
storeys on each line is 14.5 m, and the first storey is located ∼ 100 m from the
sea-bed. OMs in the storey, mounted on the Optical Module Frame (OMF), are
orientated 45◦ downwards in order to optimise their acceptance to the light from
upward-going tracks and to reduce the effect of sedimentation and biofouling.
The length of a line is 450 m and the horizontal distance between neighbouring
lines is 60-75 m. The total number of active OMs is 885.
All the lines are connected to a Junction Box (JB) on the sea-bed, which is
then connected to the shore station in La Seyne-sur-Mer with a 42 km-long electro-
optical cable (the Main Electro-Optical Cable, MEOC). Through this cable the
detector is powered, the data are collected and a clock signal, responsible for the
synchronisation of the different detector elements, is distributed. A schematic
view of the detector is reported in figure 4.2. At the shore station filtering and
triggering of data take place. Filtered data are stored at a computer centre in
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Figure 4.1: ANTARES location in the Mediterranean Sea, 40 km off-shore Toulon,
France. Also shown the path of the 42-km-long electro-optical cable connecting
the detector to the shore station in La Seyne-sur-Mer.
Lyon.
Instruments for marine and Earth science researches are distributed on the
12 lines and are also located on an additional instrumentation line devoted to
the monitoring of the sea environment. Being operated continuously since 8
years, ANTARES provides the longest continuous set of environmental data at
such a depth in the Mediterranean Sea.
Each line is anchored to the sea-bed and pulled taught by the buoyancy of
the individual OMs and a top buoy. Due to the flexible nature of these lines, a
relatively small water current velocity of 5 cm/s can result in the top storeys being
displaced by several meters from the vertical: consequently, real time positioning
of each OM is needed. This is achieved through two independent systems: an
acoustic positioning system and tiltmeters-compasses on each storey. The shape
of each line is reconstructed by performing a global fit using information from
both of these systems. The relative positions of each individual OM is then
calculated from this line fit using the known geometry of each storey.
High timing resolution on the recorded PMT signals, of the order of 1 ns, is
necessary to achive the required angular resolution of the telescope. An essential
element for this aim is the master clock system, based on-shore, which delivers a
common reference time to all the off-shore electronics in the LCMs. This system
delivers a “timestamp”, which is derived from GPS time, via an optical fibre
network from the shore station to the junction box and then to each line base
and to each LCM. This system, which works at 20 MHz clock, is self calibrating
and continuously measures the time path from shore to the LCM by echoing
signals received in the LCM back to the shore station.
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Figure 4.2: Schematic view of the detector layout.
4.2 Site characteristics
During the R&D phase of the experiment, an extensive program has been
carried out in order to measure some environmental parameters and the optical
water properties at the detector site. This section reviews the most relevant
results.
4.2.1 Water properties
Water properties in the ANTARES site have been studied analysing time-
of-flight distributions of photons emitted from a pulsed isotropic light source
and detected by a PMT at different distances from the source and for two
wavelengths [110]. While this approach is not sufficient to fully determine the
differential cross section of the photon scattering process, the absorption length
can be measured. A parametrisation which reproduces the main features of the
scattering process can be obtained, sufficient for the needs of data analysis in
the telescope.
The system for this measurement was mounted on an autonomous mooring
line anchored by a sinker. The line remained vertical because of the flotation
provided by syntactic buoys. The measuring system consisted of 17-inch pressure
resistant glass spheres mounted on two triangular aluminium frames. A set
of three mechanical cables attached to the vertices of the two frames defined
their separation distance. The bottom frame supported a light source sphere
which contained a set of LEDs with their pulsers. The top frame supported a
detector sphere facing the light source sphere and a service sphere. The detector
sphere housed a 1-inch photomultiplier tube and the front-end electronics. Such
a small PMT is ideal for this measurement since its acquisition is only slightly
influenced by the optical background in water and the transit time spread is
extremely limited, providing a proper measurement of the pulse time. Except
for the PMT window, the internal surface of the detector sphere was blackened
in order to absorb photons outside the PMT detection solid angle. The service
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Figure 4.3: Water properties at the ANTARES site [110]. The red and blue
symbols represent the measured effective scattering and absorption length of
light in water respectively at two different wavelength over different periods of
time. The black dashed line shows, for comparison, the effective scatterning
length of light in pure water.
sphere contained the data acquisition system for the experimental setup.
In order to obtain an isotropic light source for two wavelengths, 6 pairs of
LEDs were mounted on the centres of the faces of a cubic frame 3 cm on a side
which also supported the LED pulser boards. The cube was installed at the
centre of a 17-inch glass sphere whose external surface had been sand blasted
to provide extra diffusion and to remove surface ripples or roughness which can
destroy the homogeneity of the emitted light flux. The measured values for the
effective attenuation length and the absorption length at the ANTARES site are
reported in figure 4.3. The measured value of the effective attenuation length
for a wavelength λ = 466 nm is
Lc (λ = 466 nm) = 41± 1(stat)± 1(syst) m. (4.1)
The measurement had been repeated during the course of one year to understand
the time variability of water properties at the experimental site. Small differences
were found at different times, compatible with the accuracy of the measurement.
4.2.2 Biofouling and sedimentation
The detector elements are exposed to particle sedimentation and adherence
of bacteria (biofouling) which reduce the light transmission through the glass
sphere of the OMs. These effects on the ANTARES optical modules have been
studied in ref. [111]. The experimental setup consisted of two resistant glass
spheres similar to those used for the OMs. One of them was equipped with five
photo-detectors glued to the inner surface of the sphere at different inclinations
(zenith angles θ) which were illuminated by two blue light LEDs contained in the
second sphere. The measurements went on during immersions of several months
and the results were extrapolated to longer periods of time. Figure 4.4 shows the
light transmission as a function of immersion time for the the five photo-diodes.
As expected there is a tendency in the fouling to decrease when the zenith angle
on the glass sphere increases. The loss of transparency in the equatorial region
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Figure 4.4: PMT light transmission as a function of time spent under-water and
of the inclination with respect to the horizontal [111].
of the OM dropped only of about 2.7% in eight months of operation of the test
system and then seems to saturate. Extrapolations indicate a global loss after 1
year of about 2% (taking into account the two glass spheres used in the setup).
Considering that the PMTs of ANTARES point 45◦ downward (zenith angle
of 135◦), the biofouling and the sedimentation should not represent a major
problem for the experiment.
4.2.3 Optical background
The optical background on PMTs in sea water has two main natural con-
tributions: the decays of radioactive elements naturally present water and the
light produced by living creatures, the so-called bioluminescence. 40K decay is
by far the dominant process among radioactive decays in sea water. Its decay
cannels are:
40K →40 Ca+ e− + ν¯e
40K + e− →40 Ar + νe + γ (4.2)
Electrons produced in the first of these processes are often above the threshold
for Cherenkov light production. The γ-ray from the second reaction has an
energy of 1.46 MeV and can therefore induce electrons above the Cherenkov
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Figure 4.5: Evolution of median measured rates on two ANTARES OM as a
function of time over two years of data taking [112]. The red (blue) points shows
measured data an optical module at the bottom (top) of the detector.
threshold via Compton scattering. The intensity of 40K optical background is
related to its concentration and thus to salinity of sea water. Water salinity is
almost constant all over the Mediterranean Sea. The mean single rates from 40K
decays is of about 50 kHz on a 10-inch PMT [112].
Two sources of bioluminescence are present in deep sea: glowing bacteria
and flashes of light produced by marine animals. The optical background given
by these effects can be several orders of magnitude more intense than 40K light.
The passage of light emitting organisms can indeed induce bursts in the counting
rates of PMTs, while the optical noise due to radioactive decays of salts in
water produce a more or less constant baseline. Seasonal effects are present
in bioluminescence, which reaches its maximal intensity during spring – MHz
single rates on PMTs can be detected during these period and the detector is
switched-off to avoid data acquisition problems and excessive ageing of PMTs.
4.3 Data acquisition
The Data acquisition (DAQ) system of ANTARES is extensively described
in ref. [109]. The full-custom Analogue Ring Sampler (ARS) has been developed
to perform the complex front-end operations [113]. This chip samples the
PMT signal continuously at a tunable frequency up to 1 GHz and holds the
analogue information on 128 switched capacitors when a threshold level is crossed.
The information is then digitised, in response to a trigger signal, by means of
two integrated dual 8-bit Analog-to-Digital Converter (ADC). Optionally the
dynamic range may be increased by sampling the signal from the last dynode. A
20 MHz reference clock is used for time stamping the signals. A Time-to-Voltage
Converter (TVC) device is used for high-resolution time measurements between
clock pulses. The ARS chip can also discriminate between simple pulses due to
conversion of single photoelectrons (SPE) from more complex waveforms. The
two classes can indeed be identified on the basis of the amplitude of the signal,
the time above threshold and the occurrence of multiple peaks within a time
gate. Only the charge and time information is recorded for SPE events, while
a full waveform analysis is performed in all other cases. The ARS chips are
arranged on a motherboard to serve the optical modules. Two ARS chips, in
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a “token ring” configuration, perform the digitisation of the charge and time
information of a single PMT. A third chip on each board is used for triggering
purposes. The settings of each individual chip can be remotely configured from
the shore.
The counting rates on each OM exhibit a baseline dominated by optical back-
ground due to sea water 40K decay and bioluminescence coming from bacteria,
as well as bursts of a few seconds duration probably produced by bioluminescent
emission of macro-organisms close to the OM itself. The average counting rate
increases from the bottom to shallower layers. The baseline is normally between
50 to 80 kHz. Differently from the 40K background, bioluminescence suffers from
seasonal and annual variations. A high rate veto, often set to 250 kHz single rate
on each PMT, serves as an online safeguard against bioluminescence bursts.
The OMs deliver their data in real time and can be remotely controlled
through a Gb Ethernet network. Every storey is equipped with a Local Control
Module (LCM) hosting the electronic boards for the OM signal processing, the
instrument readout, the acoustic positioning, the power system and the data
transmission. Every five storeys the Master Local Control Module also contains
an Ethernet switch board for the multiplexing of the DAQ channels from the
other storeys. At the bottom of each line, the Bottom String Socket is equipped
with a String Control Module which contains local readout and DAQ electronics,
as well as the power system for the whole line. Both the Master Local Control
Modules and the String Control Modules include a Dense Wavelength Division
Multiplexing (DWDM) system. The DWDM is used in data transmission to
merge several 1Gb/s Ethernet channels on the same pair of optical fibres, using
different laser wavelengths. The lines are linked to the junction box by electro-
optical cables which were connected using an unmanned submarine vehicle. A
standard deep-sea telecommunication cable links the junction box with a shore
station where the data are filtered and recorded.
All OMs are continuously read out and digitised information (hits) is sent to
shore. A hit is a digitised PMT signal above the ARS threshold, set at about
1/3 of the single photoelectron level (Level 0 hits, L0). On-shore, a dedicated
computer farm performs a global selection of hits looking for interesting physics
events (DataFilter). This on-shore handling of all raw data is the main challenge
of the ANTARES DAQ system, because of the high background rates. The data
output rate can be between 0.3 GB/s to 1 GB/s, depending on the background
level and on the number of active strings. Subsets of L0 hits, requiring particular
conditions, are used for triggering purpose. This subset – Level 1 hits, or simply
L1 – corresponds either to coincidences of L0 on the same OM triplet of a storey
within 20 ns or to a single high amplitude L0 (typically >3 p.e.). The DataFilter
processes all data online and looks for physics events by searching for a set of
correlated L1 hits on the full detector in a ∼ 4µs window. In case an event is
found, all L0 hits of the full detector during the time window are written on disk,
otherwise hits are thrown away. The trigger rate is between 1 to 10 Hz, depending
on the number of strings in data acquisition, on the environmental conditions
and on the active trigger algorithms. Most of the triggered events are due to
atmospheric muons, successively reconstructed by track-finding algorithms. If
ANTARES receives external alerts, such as from GRB observatories [109], all
the activity of the detector is recorded for a few minutes. Untriggered data runs
are also collected: this subset is used to monitor the relative PMT efficiencies,
as well as to check the timing within a storey, using the 40K activity.
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4.4 Event reconstruction
All-flavour neutrinos can be detected in ANTARES. As the present work
will be addressed to muon neutrino undergoing charged current interactions, the
reconstruction of this event topology will be described in this section. Neutrino
induced events must be reconstructed both in direction, for the pointing accuracy
of the telescope, and in energy, for background suppression.
4.4.1 Track reconstruction
The challenge of measuring muon neutrinos consists in fitting the trajectory
of the muon to the arrival times and to the amplitudes of the signal detected by
the OMs. For a given muon position and direction at an arbitrary time t0, the
expected arrival time texp of the Cherenkov photons follows from the geometric
orientation of the OM with respect to the muon path and the straight light
propagation. The difference between texp and the measured arrival time of the
photon (i.e. the hit time) defines the time residual
r = tmeas − texp. (4.3)
Photons that scatter in the water and photons emitted by secondary particles
(e.g. electromagnetic showers created along the muon trajectory) will arrive at
the OM later than texp, leading to positive residuals.
The track reconstruction method is based on a likelihood fit that uses a
detailed parametrisation, derived from simulation, for the Probability Density
Function (PDF) of the residuals of the hits, under the assumption of Cherenkov
emission from the track, P (r). Also late hits due to light emission by secondary
particles or light scattering are considered [114]. Moreover, the probability of
a hit being due to optical background is accounted for as a function of the hit
amplitude and the orientation of the OM with respect to the muon track.
It has been found that the likelihood function has many local maxima and
that the likelihood fit is successful only if the maximisation procedure is started
with track parameters that are already a good approximation to the optimal
solution. To obtain this approximate solution, the full likelihood fit is preceded
by a series of “prefit” algorithms of increasing sophistication. An important
ingredient in the prefit stage is the use of a so-called “M-estimator”, which
is a variant of a χ2 fit not taking into account full information on the time
residual. This is crucial, as it allows the fit to converge to a solution relatively
close (typically a few degrees) to the true muon parameters, while being robust
against the presence of background hits at large residuals.
The M-estimate is followed by two different versions of the likelihood fit,
the last one fully accounting for the presence of background hits. The pro-
cedure begins at nine different starting points to increase the probability of
finding the global minimum. To mitigate the associated loss in speed, analytical
expressions for the gradient of the likelihood function are used in the minimi-
sation/maximisation processes. The value of the final log-likelihood per degree
of freedom, obtained from the final fit, is used as a measure of the goodness of
the fit. This is combined with information on the number of times the repeated
procedure converges to the same result Ncomp to provide a value
Λ = log(L)/Ndof − 0.1(Ncomp − 1). (4.4)
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Figure 4.6: Parametrisation of the energy loss of relativistic muons in water; the
term a represent the ionisation energy loss, b is for the radiative losses due to
bremsstrahlung and pair production [115].
The variable Λ is useful for the rejection of badly reconstructed events, in
particular atmospheric muons that are reconstructed as upward-going.
4.4.2 Energy reconstruction
The measurement of the neutrino energy is a non trivial problem. Detected
events are prevalently passing-through muons, generated outside the detector
and traversing it. Only a fraction of the neutrino energy is transferred to the
detected muon, which is often produced outside the instrumented volume of the
detector. In addition, as the muon travels, it loses energy before being detected.
Since the muon energy loss is proportional to the muon energy, measuring the
intensity of energy loss processes can give an estimate of the muon energy itself.
Energy loss processes
Muon energy losses are usually classified into continuous and discrete pro-
cesses. The former is due to excitation/ionisation, which depends weakly on
muon energy and can be considered nearly constant for relativistic particles.
For muons below ∼ 500 GeV, this is the dominant energy loss process. At
higher energies, discrete energy losses become important: bremsstrahlung, direct
electron-positron pair production and electromagnetic interaction with nuclei.
The α and β coefficients in equation 1.22 are mildly energy dependent as well as
dependent upon the chemical composition of the medium: in particular α ∝ Z/A
and β ∝ Z2/A. Typical values of the α(Eµ), β(Eµ) coefficients in water are
given in ref. [115]. Figure 4.6 shows the general behaviour of muon energy loss
in water, while figure 4.7 reproduces the behaviour of the various components of
radiative/discrete processes.
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Figure 4.7: Radiative energy losses of muons in water (term β(E) in equation
1.22) [115]. Curve (a) represents the pair production energy loss, curve (b) the
energy loss by brehmsstrahlung and curve (c) the contribution coming from
photo-nuclear reactions. Curve (d) shows the sum of the three components.
Ionisation
Ionisation is the dominating energy loss process for muons in the hundred GeV
range. When the muon velocity is larger than the average velocity of electrons
in atomic orbitals (∼ Zαc), the average energy loss is given by the Bethe-Bloch
expression:
−dE
dx
= K
Z
Aβ2
[
1
2
ln
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2mec
2β2γ2Tmax
I2
− β2 − δ(βγ)
2
)]
(4.5)
where Z and A are the atomic and mass number of the traversed material. Tmax
is the maximal kinetic energy that can be transferred to a free electron in a
single collision:
Tmax =
2meβ
2γ2
1 + 2γ memµ +
(
me
mµ
)2 (4.6)
while the term δ represents the corrections due to matter effects. The term I is
the average ionisation potential of the material and depends on its Z [116]. In
the low energy regime, below a few GeV, energy loss is proportional to β−2, until
it reaches a minimum value – the muon is a Minimum Ionising Particle (MIP).
Above this energy, the energy loss grows logarithmically and can be considered,
at a first approximation, equal to 2 MeV cm2/g.
Radiative effects
• The dominating process for muon energy loss at high energies is given by
e+e− pair production. The differential cross section for this process can
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be approximated to:
dσ(E, ν, ρ)
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(4.7)
where ν = (+ + −)/E is the fractional energy given to the pair and
ρ = (+ − −)/E is the asymmetry coefficient in the energy transfer. Φe
e Φµ represent the contribution from further QED diagrams describing
atomic and nuclear structure corrections.
• Bremsstrahlung is the process for which a charged particle emits braking
radiation in the presence of a strong nuclear electromagnetic field. The
general expression for the cross section of this process can be written as:
σ = σel + ∆σ
inel
a + ∆σ
inel
n (4.8)
where σel is the elastic cross section of the central Coulomb field, with
the inelastic corrections ∆σa and ∆σn, to take into account that the
atomic and nuclear charge distribution modify the electric field and the
interactions producing changes in the electronic and nuclear structure of
the final state:
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here ν is the fraction of energy which is transferred to the outgoing photon
and δ ' m
2
µν
2E(1−ν) is the minimum energy transfer. Φ represents the
screening given by the traversed material. The contribution coming from
inelastic terms is small but not negligible, especially for larger ν. The
nuclear contribution is about one order of magnitude larger than the atomic
one.
• A muon can also directly interact with a nucleus, via photon exchange.
This deep inelastic interaction produces an hadronic shower, from nuclear
fragmentation. The cross section is given by:
dσpn(E)
dν
=
Aα
2pi
σγN (νE)ν × F [E, ν, σ(νE)] (4.11)
where ν is the fraction of energy transferred by the muon and σγN is the
interaction cross section of the real photon with the nucleon. F describes
fragmentation processes and hadronic shower production.
Muon energy estimation
Cherenkov light is emitted not only by muons travelling in water, but also by
charged particles from hadronic and electromagnetic showers caused by radiative
energy loss processes. This additional light related to radiative processes above
the critical energy can be seen in different observables such as for example the
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charge of individual PMT hits. The amount of detected light can be used to
infer the energy of the muon and finally this information can used to determine
the energy of the parent neutrino. An overview on the energy reconstruction
methods used in ANTARES is give in ref. [117].
“Machine learning methods” are established methodologies to derive the
connection between a set of observables and a physical quantity in a semi-
parametric way. An Artificial Neural Network (ANN) can be used to determine
the functional dependency between a set of observables xˆ related to the observed
light in the telescope and the estimated energy Eˆ. Using multiple layers of nodes,
all input variables are correlated using weights wi and a correlation function g
such that the output of each layer y is defined as
y = g
(∑
i
wixˆi
)
. (4.12)
The ANN is trained on simulated data (xˆMC, EMC) for the reconstruction of
the energy of the event. During the training an error function (Eˆ(wˆMC, xˆ),
EMC) is minimised so that the measurement gets closer to the expectations from
simulations.
A second method, denoted in the following as energy likelihood method [118],
maximises the agreement between the expected amount of light in the optical
modules and the amount of light that is actually observed. Starting from the
direction information of the track reconstruction procedure and keeping the
energy of the muon Eµ as a free parameter, a maximum likelihood function is
constructed as
L(Eµ) = 1
NOM
NOM∏
i
Li(Eµ) . (4.13)
This product is taken over all the NOM optical modules positioned up to 300 m
from the reconstructed track, regardless of whether a hit is recorded or not.
Optical modules with unusually high or low counting rates in a particular run, as
well as those that are not active, are excluded. Li(Eµ) depends on the probability
of observing a pulse of measured amplitude Qi given a certain number of photo-
electrons produced on the ith OM. These individual likelihood functions Li(Eµ)
are constructed as
Li(Eµ) ≡ P (Qi; 〈npe〉) =
nmaxpe∑
npe=1
P (npe; 〈npe〉) ·G(Qi;npe) , (4.14a)
when a hit is recorded and
Li(Eµ) ≡ P (0; 〈npe〉) = e−〈npe〉 + Pth(〈npe〉) , (4.14b)
when there is no hit on the optical module. Equation 4.14a consists of two
terms, the Poisson probability P (npe; 〈npe〉) of having npe photo-electrons given
an expectation of 〈npe〉, and a Gaussian term G(Qi;npe) which expresses the
probability that npe photo-electrons on the photo-cathode will yield the mea-
sured amplitude Qi. Equation 4.14b consists of a term describing the Poisson
probability of observing zero photo-electrons when the expected value is 〈npe〉,
and a term, Pth(〈npe〉), describing the probability that a photon conversion
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in the optical module will give an amplitude below the threshold level of 0.3
photo-electrons.
A phenomenological muon energy estimation method – denoted in the fol-
lowing as energy loss method [119] – relies on the muon energy losses along its
trajectory, as described previously. The muon energy deposit per unit path
length is approximated by an estimator ρ which can be derived from measurable
quantities
dE
dX
∝ ρ =
∑Nhit
i=1 Qi

· 1
Lµ
. (4.15)
The quantity Lµ represents the length of the reconstructed muon path starting
at the entry point on the surface of a cylinder surrounding the instrumented
volume of the detector. Due to the light transmission properties of the water,
this volume is defined extending the radius and height of the cylinder by twice
the light attenuation length. Lµ is thus longer than the effective visible track in
the detector. Qi is, as before, the measured amplitude of the i-th OM. To remove
the contribution from background light using the causality criteria embedded
in the reconstruction algorithm, only the hits used in the final tracking step
are considered. Finally, the quantity  represents the overall ANTARES light
detection capability. This quantity depends on the geometrical position and
direction of the muon track. It is derived on an event-by-event basis as
 =
NOM∑
i=1
exp
(
− ri
λabs
)
· ηi(ϑi)
ri
. (4.16)
Here the sum runs over all the active optical modules. The distance from the
muon track, ri, and the photon angle of incidence, ϑi, are calculated for each
OM: ϑi is used to obtain the corresponding angular acceptance ηi(ϑi) of the
involved OM. The distance ri is used to correct for the light absorption in water
(with characteristic absorption length λabs = 55 m) taking into account the light
distribution within the Cherenkov cone.
4.5 Monte Carlo simulations
Monte Carlo simulations are necessary to understand the behaviour the
detector. A software chain has been developed to take care of the simulation of
all the events that can be detected in ANTARES [120]. The simulation chain
can be considered subdivided into three main steps:
1. Event generation: the physical properties of particles (neutrinos or muon
bundles) are generated in the proximity of the detector.
2. Particle and light propagation: particles are propagated through the
detector and the light coming from Cherenkov effect is simulated and
propagated to the OMs.
3. Data acquisition simulation: the PMT behaviour, the data acquisition
electronics are simulated and filtering is applied. The optical background
is also added.
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Figure 4.8: Schematic view of the ANTARES can (in yellow), anchored to the
sea-bed (in red) and containing the detector instrumented volume (in blue).
4.5.1 Event generation
For the generation of neutrino interactions and the simulation of atmospheric
muon bundles arriving at the detector, the instrumented volume of the apparatus
can be considered as a cylinder which contains all the PMTs. A larger cylinder,
which is called the “can”, virtually surrounds the first one. The can defines the
volume within which Cherenkov light is generated in the Monte Carlo simulation
§4.5.2 to determine the detector response. Outside this volume, only particle
energy losses during propagation are considered. Inside it, a full simulation
including the generation of Cherenkov light must be performed. The geometry
of this simulation scheme is shown in figure 4.8.
Neutrino events
The dedicated GENHEN package is suitable for the full range of neutrino
studies in ANTARES from neutrino oscillations to high-energy astrophysics,
being the majority of detected neutrinos in a range of energies from tens of
GeV, limited by the energy threshold of muon detection of around 10 GeV, to
a multi-PeV, where the absorption of neutrinos in the Earth, which strongly
attenuates the upward neutrino flux must be taken into account. To limit the
influence of simulation uncertainties the following general requirements must be
satisfied:
• The relevant neutrino interactions from energies of a few GeV must be
correctly simulated to conservatively include the interesting energy range.
At high energies this is dominated by Deep Inelastic Scattering (DIS).
• Neutrinos interacting both inside the can (volume events) and outside the
can (surface events) should be simulated in the same package in the correct
proportions.
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• For events inside the can, the production of the hadronic shower at the
interaction vertex must be simulated as charged secondary particles can
contribute to the total amount of Cherenkov light observed.
• For events outside the can, high energy muons must be tracked until they
stop or reach the surface of the can.
• The effect of the different media (rock and water) around the detector
must be taken into account in both the neutrino interactions and muon
propagation.
• For high energy neutrinos, the probability of absorption in the Earth must
be calculated given the neutrino interaction cross-section and an Earth
density profile. Neutrino interactions are generated in agreement to these
points. A power law, E−γ , is chosen for the generation spectrum of the
neutrino interactions (which we will refer to as the “interacting neutrino
spectrum” in the following description). This can then be weighted to
different neutrino fluxes to give the event rates for specific models.
The general simulation method foresees the definition a volume around the
detector which will contain all potentially observable neutrino interactions for
the given energy range and the simulation of neutrino interactions within that
volume. For those neutrino interactions outside the can, any muon produced is
then propagated and stored if it reaches the surface of the can. To get meaningful
statistics after the muon propagation stage, say a few thousand muons at or
within the can, it is typically necessary to simulate some billions of neutrino
interactions. Clearly, the simulation time required to completely process this
number of events would be prohibitive.
The largest possible muon energy in the simulation corresponds to the upper
limit on the neutrino energies specified by the user, Emax. Hence, the maximum
muon range at this energy is Rmax. No neutrino interacting further away from
the detector than these distances can possibly produce a muon which will reach
the detector. Hence we can use these distances to define our total simulation
volume. Starting with this information, the full simulation then proceeds as
follows:
• A cylindrical volume around the instrumented volume of the detector of
radius Rmax is defined.
• The total interacting neutrino spectrum is divided into equal bins in the
log10(Eν/GeV) between Emin and Emax and the number of events N , to
generate in each bin is calculated.
• For each energy bin, a maximum range in rock and water using the
maximum energy in that bin can be calculated.
• For each energy bin the numerical integration of the cross-section in LEPTO
is performed and the generation for just this energy range is initialised.
• Looping over the number of events to generate in this scaled volume,
Nscaled:
1. The energy of the interacting neutrino is sampled from the E−γ
spectrum within the energy range of this bin.
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Figure 4.9: Neutrino interaction generation process in GENHEN. See text for
the complete description of the neutrino interaction simulation.
2. The neutrino position is chosen from within the scaled volume.
3. Whether or not the vertex is inside the can is determined. If it is
outside, the shortest distance from the neutrino vertex position to the
can is calculated. If this distance is greater than the maximum muon
range at that neutrino energy, no muon produced by this neutrino will
ever reach the can and the event is rejected with no further processing.
4. The neutrino direction is sampled from an isotropic distribution. For
events outside the can, it is calculated whether the distance of closest
approach of the neutrino direction to the can is greater than some
user specified distance.
5. For each event, the neutrino interaction is simulated using the appro-
priate code to get the final state particles at the neutrino interaction
vertex.
6. For events inside the can, all these particles are recorded (position,
direction, energy, etc) for further processing. For events outside the
can, only the muons are kept.
7. For those events which are kept, the “event weights” are calculated
and all the event informations written on disk.
• On completion of all the stages above, a record of every one of the neutrino
interactions which produced at least one particle at or inside the can is
obtained.
Figure 4.9 schematically shows the neutrino production procedure
Event weighting
Power law spectra are generated by GENHEN. Events can then be weighted
properly to obtain the effective rates at the detector. To derive the appropriate
event weight, the following parameters need to be defined:
• Vgen (m3): Total generation volume.
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• Iθ (sr) = 2pi(cos θmax - cos θmin): Angular phase space factor depending on
the specified range of cos θν . It is the integral of the solid angle.
• IE : Energy phase space factor depending on the input spectral index, γ
for the neutrino interaction rate. If γ = 1, IE = ln(Emax/Emin) otherwise
IE = (E
1−γ
max - E
1−γ
min )/(1-γ). It is the integral of the generation spectrum
between the minimum and maximum energies.
• σ(Eν) (m2):Total neutrino cross-section of the charged current neutrino
interaction.
• ρ NA (m3): Total number of target nucleons per unit volume (ρ is the
target density and NA the Avogadro’s number).
• PEarth(E; θ): Probability of neutrinos to penetrate the Earth.
• Ntotal : Total number of generated events.
• tgen (s): The (arbitrary) time represented by the simulation.
The generation weight wgen is then defined as:
wgen = Vgen ρNA σPEarth Iθ IE E
γ t (4.17)
and it allows by construction to have a “global” weight wglobal for each event in
order to represent any given differential flux φ(Eν , θν):
wglobal = wgen × φ(Eν , θν) (4.18)
Atmospheric muons
The most abundant signal for a neutrino telescope is due to high energy
muons resulting from the extensive air showers produced by interactions of CRs
in the upper atmosphere. Although the ANTARES telescope is located at large
depth under the sea, taking advantage of the shielding effect offered by the water,
a large flux of high energy atmospheric muons will reach the active volume of the
detector. The atmospheric muons represent an insidious background for track
reconstruction as their Cherenkov light can mimic fake upward-going tracks.
This kind of signatures can be confused with the cosmic neutrino signal. In
addition, atmospheric muons are a useful tool to test oﬄine analysis software,
to check the understanding of the detector and to estimate uncertainties.
Atmospheric muon bundles arriving at the detector can be accurately re-
produced using a complete extensive air shower simulation, as done by the
CORSIKA program [121]. In this case the primary cosmic ray interaction at
the top of the atmosphere is simulated, the whole CR shower is tracked to the
sea level and then muons are propagated to the detector. Even if this gives a
precise description of atmospheric muons at the apparatus, it is an extremely
time consuming procedure and it is not possible to have a proper statistics of
muon events in a reasonable processing time. In addition, large uncertainties
on modelling the primary interaction as well as on the primary flux itself are
present and a faster generator, even if not taking care of the full air shower
development, should be preferred.
Atmospheric muon bundles are generated in ANTARES with the MUPAGE
software [122]. MUPAGE is based on parametrisation of the angular and energy
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distribution of muon under-water or in ice as a function of the muon bundle
multiplicity. This parametrisations are taken from complete simulations and
data collected with the MACRO experiment at Gran Sasso [123], extrapolated
either under the sea or under an ice layer. The usage of parametric formulas
allows the production of an extremely large number of events within a reasonable
CPU time consumption, even if only a fixed atmospheric flux can be simulated.
Since the overall uncertainty on the atmospheric muon flux can be estimated
as of the order of ±50%, this fast parametric generation can be used to get a
proper simulation of the atmospheric muon background.
Atmospheric muon production ranges from 0◦ to 85◦ in zenith angle with
muon multiplicity in the bundle going from 1 to 200 and the energy of simulated
muon bundles goes up to 500 TeV. The fast generation process allows the
production of a large quantity of events at the detector: the same order of
magnitude of the event rate effectively seen at the detector can be produced in
a computationally sustainable time.
4.5.2 Particles and light propagation
All long-lived particles which are stored as output of the physics generators
are tracked through the water in the can volume using a GEANT -based [124]
package, denoted in ANTARES as KM3. The composition and density of the
water is adjusted to the values at the experimental site. All relevant physics
processes activated (energy loss, multiple scattering, radiative processes and
hadronic interactions).
Thanks to the homogeneity of the sea water, a photon-by-photon simulation
for the Cherenkov light is not required, differently from what is done to describe
the photon propagation through the Antarctic ice where optical properties show
a dependence on the ice stratification. This means that a set of “scattering tables”
containing the probability of each photon to give a hit on a PMT as a function
of 5 parameters: the distance from the muon; 3 angles defining the direction
of the photons with respect to the muon and to the PMT; the photon arrival
time; and considering the diffusion and absorption phenomena, can be created
in advance. Muons are propagated in the can volume by MUSIC [125]. Steps of
1 m for muon tracks are considered, the ionisation energy loss and the Cherenkov
light emission are calculated. The probability for each Cherenkov photon to
reach PMTs is extracted from the scattering tables. Also the probability of a
catastrophic energy loss is evaluated. Similar scattering tables are created for
electromagnetic showers.
Hadronic showers are treated differently. In this case a large number of
charged particles is produced at the interaction vertex. The computation of
scattering tables for each particle would require an event-by-event simulation,
and a huge amount of CPU time, because of the high variability in the hadronic
shower composition. To overcome this problem, a “multi particle approximation”
approach is followed. Each hadron is considered as equivalent to an electron.
The electron scattering tables are used in association with opportune weights,
evaluated for each hadron after many complete photon tracking simulations. The
light yield from hadronic showers obtained with this technique is compatible
with what is achieved with a detailed simulation.
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Figure 4.10: Graphical representation of the KM3 shells used for building the
hit probability tables (see text for a detailed explanation).
4.5.3 Data acquisition simulation
The detector response is simulated using the TriggerEfficiency program.
This software consists of the addition of the optical background to the hits
generated by physical events, the simulation of the electronics, and the triggering
of events. The optical background can be generated and added to the MC events
according to a Poisson distribution using a fixed background rate specified by
the user or using a real data run. With this second option the TriggerEfficiency
program adds to the PMTs a background which corresponds to a counting rate
taken from real detector situation. In other words, it takes into account not
only the background due to the radioactive salt decay but also any kind of
biological activities that can occur in sea water (e.g. bioluminescence, biofouling)
and temporary problems related with the electronics (e.g. charge saturations,
temporary power off of single PMTs, “sparks”).
The front-end ARS chip integrates the analogue signal from the PMT over
a typical time window of 25 ns. This is simulated by summing the number of
detected photons in that window. After the integration, the ARS cannot take
data for about 250 ns. A second ARS, connected to the same PMT, digitises
signals arriving afterwards. The time resolution for single photo-electron signals
is 1.3 ns and decreases for higher amplitudes. To simulate this effect, the hit times
are smeared using a Gaussian function with a width σ = 1.3 ns/
√
Nγ , where Nγ
is the number of simultaneously detected photons. The so-called “level zero” (L0)
trigger selects hits that have a charge greater than a low threshold – typically
0.3 photo-electrons (p.e.). The amplitude measurement is then simulated by
smearing the integrated number of photons with an empirical function. This
function results in a (roughly Gaussian) smearing of about 30%. The dynamic
range of the charge integration has a saturation level which corresponds to about
20 photo-electrons.
MC events are triggered with the same trigger algorithm used for real data.
The first level trigger (L1) is built up of coincidence hits in the same storey
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within a 20 ns time window, and single hits with a large charge amplitude, grater
than a “high threshold” tunable from 2.5 p.e. to 10 p.e. A trigger logic algorithm,
a level 2 trigger (L2), is then applied to data and operates on L1 hits. The main
physics triggers are the 3D-directional scan logic trigger “3N” and cluster logic
trigger “2T3”.
The 3N trigger processes all data and declares an event as soon as a minimum
number of L1 hits are found within a 2.2µs time interval. In addition, each pair
of L1 hits should verify the causality relation:
∆tij ≤ dij
c/n
+ 20ns (4.19)
where ∆tij and dij are the time difference and the spatial distance between
(hit)i and (hit)j respectively, c is the speed of light and n the index of refraction
of the sea water.
The 2T3 trigger is based on the definition of a “T3 cluster” of hits. A
T3 cluster is defined when two L1 hits among three adjacent storeys are in
coincidence. The coincidence time window is set to 100 ns in case that the two
storeys are adjacent, and to 200 ns in case of next to adjacent storeys. The 2T3
trigger logic requires at least two T3 clusters within a time window of 2.2µs.
Run-by-run approach
The conditions in a marine environment are not stable and constant in time
and they directly effect data acquisition in a under-water neutrino telescope
such as ANTARES. Biological [112] and physical phenomena [127] show evolving
trends on seasonal timescales producing a periodical change of the rates registered
at the detector. Short term variations are also present as the sea current velocity
affects the optical rates. Apart from these environmental effects, also the fact
that not all the detector elements are taking data at a certain moment of time,
because of temporary or permanent malfunctioning of optical modules or lack
of connection to some part of the apparatus, can change the data acquisition
condition. Finally, according to the sea conditions, different triggers can be
applied to handle the situation.
A correct Monte Carlo simulation of the detector should reproduce all these
effects as reliably as possible. An efficient way to account for the variations of
the optical background to the Cherenkov light due to physics signals is to extract
related information directly from the data. The TriggerEfficiency program can
take this information from data files themselves and use it in the processing
of the physics output of the Monte Carlo chain. At the same time it can be
connected to a database interface where all information on the data acquisition
conditions of each detector element is stored for each data acquisition run [128].
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Chapter 5
Measuring the atmospheric
neutrino background
High energy cosmic rays interacting at the top of the atmosphere produce
large cascades of subatomic particles. Out of the multitude of particles in these
extensive air showers, only muons and neutrinos reach an under-water detector
and can be detected. They represent a background for a neutrino telescope since
their event rate is much larger than that of the expected cosmic signal.
As shown in section 2.1.4, atmospheric muons can be rejected selecting
upward-going tracks, since only neutrinos can traverse the Earth. The rejection
of atmospheric neutrinos is possible on a statistical basis thanks to the fact that
their energy spectrum, derived from the primary CR spectrum at the top of
the atmosphere, is steeper than the cosmic signal. However, this atmospheric
background can bring valuable information on the detector performance, pro-
viding a calibration source for the energy reconstruction and give an insight on
systematic effects affecting the neutrino detection.
The measurement of the atmospheric neutrino flux obtained using ANTARES
data is described in this chapter. The work presented here is completely original
and has been published on a peer-reviewed journal [129].
5.1 Atmospheric neutrinos
Up to ∼ 100 TeV, muons and neutrinos in the atmosphere are produced
mainly by decays of charged pions and kaons in the cosmic ray air shower and
their spectra directly derive from the kinematics of the pi → µν and K → µν
decays. Additional lower energy neutrinos are produced by the further muon
decays from these processes. The corresponding νµ flux is usually referred to as
the conventional atmospheric neutrino flux and its intensity is expressed as
dΦν
dEνdΩ
(Eν , θ) = AνE
−γp
ν
(
1
1 + aEνpi cos θ
+
B
1 + bEνK cos θ
)
, (5.1)
in units of cm−2 s−1 sr−1 GeV−1. The scale factor Aν , the balance factor B,
which depends on the ratio of muons produced by kaons and pions, and the a, b
coefficients are parameters which can be derived from Monte Carlo computation,
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numerical approximations or from experimental data. The quantity i (the
characteristic decay constant) corresponds to the energy at which the hadron
interaction and decay lengths are equal. For pions and kaons, pi = 115 GeV and
K = 850 GeV, respectively. Below this energy scale, hadrons are more likely to
decay while, at higher energies, their Lorentz factor γ is large enough to allow
their interaction while traversing the atmospehere. This causes a steepening of
the resulting neutrino flux as less neutrinos are produced at higher energies.
An analytical description of the neutrino spectrum above 100 GeV is given
by the Volkova parametrisation [130]. The flux of the conventional atmospheric
neutrinos are also provided by the Barr et al. [92, 131] and Honda et al. [132]
calculations. These evaluations of the neutrino flux come from detailed three
dimensional simulations of the atmospheric shower development at a certain
location, in order to account for the local intensity of the magnetic field which
influences cosmic ray spectra at low energies. The expected power-law spectrum
of conventional atmospheric neutrinos for Eν  pi, K can be approximated
with
dΦν
dEν
(Eν) = A
′
νE
−γν
ν , (5.2)
where γν ' γp + 1.
The major uncertainties in the calculations of the atmospheric neutrino flux
arise from the limited knowledge of the composition, the absolute normalisation
and the slope γp of the primary cosmic ray spectrum, as well as from the
treatment of hadronic interactions in particle cascades in the atmosphere. The
global uncertainty on the normalisation of the conventional atmospheric neutrino
flux is at the level of 25-30% [132, 133], though it varies in amplitude with
energy.
Charmed hadrons, also decaying to neutrinos, are produced at the inter-
action point of primary cosmic rays with air nuclei and have a much shorter
lifetime, approximately 5 to 6 orders of magnitude smaller than pions and kaons.
As a consequence, there is no competition between interaction and decay: a
harder neutrino energy spectrum, the so-called prompt neutrino flux, is a clear
signature of the charmed component. There is significant variability in the
calculations of the prompt neutrino flux [134, 135, 136] depending on the mod-
elling of the hadronic interactions, the choice of the gluon distributions and the
renormalisation and factorisation scales.
5.2 Unfolding of the atmospheric νµ flux
Since the atmospheric neutrino energy spectrum is steeply falling and because
of the limited capability of energy estimation for a neutrino telescope, an unfold-
ing procedure must be used in order to draw the actual energy spectrum from
the measured event-by-event distribution. This procedure takes into account
the stochastic nature of the muon energy losses, the large uncertainty in the
reconstructed energy, the detection inefficiencies and the fact that only the
daughter muon energy is measured.
The problem to be solved is a set of linear equations of the form
Ae = x . (5.3)
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The vector e represents the true unknown distribution in a discrete number of
intervals, the vector x is the measured distribution and the matrix A, called the
“response matrix”, is the transformation matrix between the two distributions.
The response matrix is built using Monte Carlo simulations.
A simple direct inversion of the response matrix leads in most cases to rapidly
oscillating solutions and large uncertainties due to the fact that the matrix A is
ill-conditioned [137]: minor fluctuations in the data vector x can produce large
fluctuations in the solution e.
One of the methods used to solve this problem is the singular value de-
composition (SVD) [138]. The response matrix is decomposed as A = USV T ,
where S is a diagonal matrix and U and V are orthogonal matrices. This is
equivalent to expressing the solution vector e as a sum of terms weighted with the
inverse of the singular values of the matrix S. Small singular values can however
enhance statistically insignificant coefficients in the solution expansion, leading
to the same problem appearing when directly inverting the response matrix.
This problem can be overcome by imposing an external constraint on how the
solution is expected to behave. The process of imposing such a constraint is
called regularisation. The constraint used in our procedure and described in
ref. [138] controls the curvature of the solution, not allowing vector e to exhibit
unphysical bin-to-bin fluctuations.
Another unfolding method, which does not rely on the regularisation pro-
cedure, is the iterative method based on the Bayes’ theorem in ref. [139]. The
Bayes’ theorem, translated to this case, states that the probability P(Ei|Xj)
that Ei is the true energy, given the measurement of a value Xj for the energy
estimator, is equal to
P(Ei|Xj) = A(Xj |Ei)p0(Ei)∑nE
l=1A(Xj |El)p0(El)
, (5.4)
where A(Xj |Ei) is the probability (calculated from Monte Carlo simulations)
of measuring an estimator value equal to Xj when the true energy is Ei. This
quantity corresponds to the element Aij of the response matrix. The a priori
probability p0(Ej) is the expected energy distribution at the detector derived
from theoretical expectations and Monte Carlo simulations. For a given estimator
distribution, the energy spectrum at the detector can be obtained applying eq. 5.4
iteratively. At the n-th iteration, the energy distribution at the detector pn(Ej)
is calculated taking into account the observed number of events in the estimator
distribution and the expectations from pn−1(Ej). The result rapidly converges
towards a stable solution. The number of iterations to be performed is optimised
by applying the procedure to different Monte Carlo samples and studying the
convergence of the obtained solutions. A small number of iterations biases the
unfolding result towards the prior probability p0(Ej), while further iterations
beyond the point where convergence is reached enhances statistical fluctuations
in the solution.
Both mentioned unfolding procedures are used in this analysis and are
implemented in the RooUnfold package [140] as part of the ROOT framework
[141].
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5.2.1 Atmospheric data analysis
In order to estimate the atmospheric neutrino energy spectrum, ANTARES
data acquired from December 2007 to December 2011 have been analysed. This
data sample has an equivalent livetime of 855 days.
The two unfolding methods described previously are applied on data re-
constructed using the energy likelihood and the energy loss methods described
in section 4.4.2. The former is used for the SVD, the latter for the Bayesian
unfolding procedure. Both methods require a high purity sample. The presence
of wrongly-reconstructed atmospheric muons would corrupt the final result. All
cuts are optimised on a Monte Carlo simulated sample. A 10% fraction of the
data is initially used to check the agreement between the observed and expected
quantities both on downward-going (atmospheric muons) and upward-going (at-
mospheric neutrinos) events. The remaining 90% of the data set is unblinded only
when all the cuts and optimisation procedures have been defined. In addition,
the two analyses are kept independent up to the unblinding of the data sample.
Finally the two results are merged.
Unfolding method based on the Bayes’ theorem
The energy of the muon reconstructed using the energy loss method is used
to derive the neutrino energy spectrum through the unfolding method based on
the Bayes’ theorem. In order to suppress the atmospheric muon background,
the angular region of accepted tracks is restricted to θ > 100◦. An angular error
β < 1◦ is required on the reconstructed tracks. In addition, a selection based
on the reconstruction quality parameter Λ is applied. Figure 5.1 shows the
Λ distribution for data and MC tracks with β < 1◦ and θ > 100◦. Asking for
Λ > -4.9 the contamination of wrongly reconstructed atmospheric µ is ∼ 0.3%.
The response matrix is built by weighting Monte Carlo events according
to the flux described in ref. [131] with no prompt contribution. The expected
atmospheric neutrino rate is 1.8 events per day.
The precision on the reconstructed energy ERecµ depends on the true muon
energy EMCµ . The quantity
δEµ ≡ log10
ERecµ
EMCµ
(5.5)
is used to estimate the energy resolution of the reconstruction. The standard
deviation of a Gaussian fit for different intervals of the Monte Carlo true muon
energy achieved with this method has an almost constant value σδEµ ' 0.4 over
the considered energy range.
The comparison between the distribution of the quantities used to construct
the energy estimator ρ (eq. 4.15) for data and Monte Carlo events is shown in
figure 5.2. The total expected number of Monte Carlo events is ∼ 25% lower
than the measurement, within the expected flux normalisation uncertainty.
The relation between the distribution of the neutrino energy and the observ-
able ρ is described by the response matrix constructed via Monte Carlo. The
iterative unfolding method based on the Bayes’ theorem moves the distribution
of the observed estimator towards the real neutrino energy distribution starting
from an a priori hypothesis. The optimal value of the number of iterations is
established using a χ2 test on different simulated data sets (from now on referred
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Figure 5.1: Comparison between data and Monte Carlo for the Λ track quality
parameter, for upward-going events reconstructed with zenith angle larger than
100◦ and with angular error estimate smaller than 1◦. Black crosses represent
the cumulative distribution for data, red line is for simulated atmospheric
neutrinos and the blue histogram shows the distribution for wrongly reconstructed
atmospheric muons. A blue dashed line shows an extrapolation of the atmospheric
muon distribution in order to evaluate the muon contamination in the sample
for the cut value, shown with a dashed black line.
to as “pseudo-data”), which are unfolded for different number of iterations. The
spectral index corresponds to the parameter γν in eq. 5.2 and it takes the value
γν = 3.63 when the neutrino flux is averaged over the lower hemisphere. The
optimal number of iterations is found to be equal to five using a χ2 test compar-
ing the unfolded result and the true neutrino spectrum of pseudo-data samples.
In particular, neither an enhancement of statistical fluctuations deriving from a
larger number of iterations, nor a bias towards the a priori spectrum used to
construct the response matrix are observed.
Figure 5.3 shows the result of the unfolding procedure applied on pseudo-
data with energy spectrum flatter by a factor E+0.1ν with respect to the a priori
spectrum. This pseudo-data set has an overall normalisation 20% larger than
the a priori one, more in agreement with the measured number of events in
the data. The points in figure 5.3 represent the result of the unfolding of this
pseudo-data set. The deviations between the true distribution and the unfolded
one will be considered in the discussion of systematic uncertainties on §5.3.1
Unfolding method based on singular value decomposition
The muon energy spectrum reconstructed using the energy likelihood method
is used to build the vector x in eq. 5.3 applying the SVD unfolding method. The
cut on the reconstruction quality parameter Λ is the same as for the energy
loss method (Λ > -4.9). The cut on β is slightly more stringent (β < 0.5◦),
but the zenith angle region is larger, as only events with θ < 90◦ are rejected.
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Figure 5.2: Comparison between data (black crosses) and simulations (red line)
for the quantities used to construct the energy loss estimator ρ, eq. 4.15. (Top)
Distribution of the total measured amplitude Qtot (in photo-electrons) on the
optical modules involved in the events; (Middle) muon track length in the
detector region; (Bottom) light collection capability defined in eq. 4.16. Only
events passing the selection criteria of the energy loss method are drawn. The
Monte Carlo prediction is scaled by a factor 1.25.
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Figure 5.3: Unfolding of a known spectrum. The red solid line is the energy
spectrum from ref. [131] used as the a priori probability for the bayesian unfolding
of pseudo-data generated according to an injected spectrum (black dashed line).
The unfolded result (black symbols) is shown without error bars.
The response matrix is built weighting Monte Carlo events according to the
conventional flux from ref. [131] plus the prompt contribution from ref. [136]. The
corresponding neutrino event rate is 1.7 events per day and the expected muon
contamination below 0.2%. The estimated energy resolution eq. 5.5 achieved
with this method ranges from σδEµ ' 0.45 at EMCµ = 500 GeV to σδEµ ' 0.3
when EMCµ = 10
3 TeV.
Figure 5.4 shows the comparison between the reconstructed energy of data
and simulated muons using the energy likelihood method for events passing the
selection (simulation events are normalised to the data). Also in this case, the
simulation prediction is ∼ 25% lower than data.
This distribution is the starting point for the application of the SVD unfolding
procedure in order to derive the neutrino energy spectrum at the detector. The
result of the unfolding depends on the choice of the regularisation parameter, i.e.
how strongly the regularisation condition acts in smoothing unexpected oscillating
components due to statistical fluctuations. A large value of the regularisation
parameter imposes stronger constraints on the solution with a possible bias
towards the assumed underlying spectrum. The regularisation parameter is
chosen by examining the distribution of the absolute values of the expansion
coefficients, as described in ref. [138]. The values of the expansion coefficients drop
rapidly as the singular values decrease, reaching a level where they are compatible
with zero, i.e. following a normal distribution with zero mean and standard
deviation equal to one. The optimal regularisation parameter corresponds to
the square of the singular values above which the expansion coefficient becomes
compatible with zero. In this way too small singular values are excluded from
the expansion. This avoids the enhancement of large fluctuations in the solution,
behaving as a Fourier low-pass filter which progressively damps out insignificant
terms in the solution expansion. As for the Bayesian unfolding method, the
performance of the SVD unfolding has been tested on Monte Carlo samples,
producing similar results to those shown in figure 5.3.
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Figure 5.4: Data (black crosses) and Monte Carlo (red line) comparison for
the maximum likelihood muon energy estimator EMLµ , for events passing the
selection cuts. This distribution is obtained at the end of the procedure, after
the data unblinding (see text). The Monte Carlo prediction is scaled by a factor
1.25.
5.3 Computation of the νµ energy spectrum
The output of the unfolding procedure is the number of events per energy
bin in the considered livetime and represents a detector dependent quantity. The
top panel of figure 5.5 shows the neutrino energy distribution at the detector
resulting from the two methods. These energy distributions are dependent on
the selection criteria and on the analysed solid angle which are different for the
energy likelihood and energy loss methods.
A detector-independent spectrum can be derived considering the detection
and selection efficiencies of the apparatus as a function of the neutrino zenith
angle and energy. These effects are accounted for in the so-called “neutrino
effective area” of the detector, Aeffν (θ,Eν). In general, this quantity depends
on the neutrino cross-section and differs between neutrinos and antineutrinos.
Here, Aeffν is defined as the ratio between the number of selected events and
expected number of atmospheric neutrinos and antineutrino as a function of
the zenith angle θ and neutrino energy Eν . In addition it depends on the
survival probability of neutrinos crossing the Earth and on the muon detection
and selection efficiency. The bottom panel of figure 5.5 shows the neutrino
effective area as a function of Eν for the two methods used in this analysis. The
differences between the two include the effects of the different quality cut on the
reconstructed tracks.
The effective area is used to relate the energy distribution at the detector to
the energy distribution at the surface of the Earth. A correction factor for the
effective area is contained because the energy loss and energy likelihood methods
consider two different zenith ranges for the event selection.
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Figure 5.5: Top: unfolded energy distribution at the detector for the energy
likelihood (red) and the energy loss (black) methods. The numbers correspond
to events per bin per year of effective livetime. Bottom: corresponding neutrino
effective area for upward-going neutrinos for the two methods.
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5.3.1 Systematic uncertainties
The result of the unfolding process is dependent on Monte Carlo simulations
via the construction of the response matrix. Simulations indeed depend on a
number of parameters related to the light collection efficiency of the optical
modules, the light propagation properties of water and the dependency of the
light detection probability to the direction of arrival of photons on the PMTs.
Uncertainties on these parameters can systematically influence the unfolding
result.
The default response matrix is constructed considering the current best
knowledge of these quantities. Systematic effects coming from their uncertainty
are evaluated using different specialised simulation data sets. A number of
Monte Carlo samples has been produced considering the relative uncertainties
related to each of them. Each modified Monte Carlo sample has been used as
pseudo-data and unfolded. The deviation from the spectrum obtained when the
default value of the parameter is considered is taken as systematic uncertainty.
The systematic uncertainties as a function of the neutrino energy for the two
unfolding procedures are different because of the different unfolding methods
and constructions of the energy estimators.
Figure 5.6 shows the systematic uncertainty as a neutrino energy. The largest
uncertainty arising from the energy loss or from the energy likelihood methods
is considered in each bin. The total uncertainty (black full line) is computed
as the quadratic sum of each contribution, separately for positive and negative
deviations. The differences between the spectra obtained with the two energy
estimators with respect to the average value is shown as the thin black line.
The overall sensitivity of the optical modules (red continuous line) has been
modified by ±10%. This includes the uncertainty on the conversion efficiency of
a photon into a photo-electron on the PMT photo-cathode as well as other effects
related to the OM efficiency. An additional uncertainty related to the optical
modules is connected to the angular acceptance, i.e. the angular dependence
of the collection efficiency of each OM. This affects the measurement by less
than 10% over the whole analysed energy range. The uncertainties on water
properties have been studied and are taken into account by scaling up and down
by 10% the absorption length of light in water with respect to the nominal value
(blue dashed line).
The effects due to the uncertainty in the neutrino flux used in the response
matrix of the unfolding procedures include the possible contribution of prompt
neutrinos [135], the effect of a slope change of ±0.1 in the a priori spectral index
γν and the effect due to the chosen number of iterations. The uncertainties
deriving from these effects, not shown in figure 5.6, are always below 10%.
The unfolding procedure result is affected by the resolution of the energy
estimators, as well as by the performance of the unfolding method and the event
selection criteria. In particular the energy likelihood method is more sensitive
to variations of water properties, while the energy loss method has a larger
dependence on OM efficiency. The statistical uncertainty (magenta short dashed
line) is relevant only for the highest energy bins.
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Figure 5.6: Systematic uncertainties calculated for each neutrino energy bin.
Red continuous line represents the effects given by a ±10% change of the OM
efficiency with respect to the default value; blue dashed line is for a ±10% change
in the absorption length in water; magenta short dashed line is the statistical
uncertainties. The thick black line shows the estimated total uncertainty while
the thin black line represents the relative difference between the two unfolding
results. The effects from the OM angular acceptance and the change in the
underlying event weighting model (see text) are not shown in the figure.
/GeV)
ν
(E
10
log
2 3 4 5 6
]
-
2
 
cm
-
1
 
sr
-
1
 
[G
eV
 s
ν
/d
E
ν
Φ
 
d
ν2 E
-910
-810
-710
-610
-510
-410
-310
Figure 5.7: Atmospheric neutrino energy spectrum obtained with the ANTARES
neutrino telescope using 2008-2011 data. The flux reported here is multiplied
by E2 and compared with the expectations from ref. [131]. The gray band
corresponds to the uncertainty in the flux calculation from ref. [133]. The flux
obtained by adding to the conventional flux the prompt contributions from
ref. [135] (red dashed line) and ref. [136] (blue short-dashed line) is also drawn.
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Energy range log10(Eν/GeV) Eν
2 · dΦν/dEν % Uncertainty
log10(Eν/GeV) [GeV s
−1 sr−1 cm−2]
2.00− 2.33 2.20 3.2× 10−4 −49,+80
2.33− 2.66 2.51 1.7× 10−4 −32,+69
2.66− 3.00 2.83 7.8× 10−5 −36,+41
3.00− 3.33 3.15 3.2× 10−5 −34,+40
3.33− 3.66 3.48 1.1× 10−5 −30,+55
3.66− 4.00 3.81 3.9× 10−6 −31,+56
4.00− 4.33 4.13 1.2× 10−6 −43,+56
4.33− 4.66 4.46 3.8× 10−7 −46,+80
4.66− 5.00 4.78 1.2× 10−7 −57,+96
5.00− 5.33 5.11 4.8× 10−8 −73,+125
Table 5.1: The unfolded atmospheric neutrino energy spectrum from the
ANTARES neutrino telescope. Each row shows the energy range of the bin; the
weighted central value of the neutrino energy Eν in the bin; the flux multiplied
by E
2
ν and the percentage uncertainty on the flux.
5.3.2 Measured atmospheric neutrino spectrum
The atmospheric neutrino spectrum is computed considering the median
value of the neutrino energy in each bin. Thus, the steep decrease of the energy
spectrum inside the bin is taken into account. The flux is obtained by dividing
the contents of the two histograms presented in figure 5.5 and averaging the
results of the two methods. The measured atmospheric neutrino energy spectrum
for θ > 90◦ is presented in figure 5.7 and the values are reported in table 5.1.
The differences for each method with respect to their average value are much
smaller than most of the considered systematic uncertainties (see next section)
and are shown in figure 5.6 as a thin black line. The best fit value for the
neutrino spectral index parameter is γmeas = 3.58± 0.12, to be compared with
the value of γν = 3.63 obtained when the a priori pseudo-data set is used. The
uncertainties computed previously are reported.
Figure 5.8 shows the result of the present measurement, where the atmospheric
νµ energy spectrum is averaged over zenith angle from 90
◦ to 180◦ compared
to theoretical computations and experimental results. The black line represents
the conventional Bartol neutrino flux [131]. A decrease above Eν ∼ 100 TeV is
expected due to the change of the spectral index γp of the primary cosmic ray
flux above the knee region (Ep ≥ 3× 1015 eV). The results from the Antarctic
neutrino telescopes AMANDA-II [142] and IceCube40 [143] are also shown.
These two measurements consider the zenith angle flux from 100◦ to 180◦ and
97◦ to 180◦, respectively. Assuming the expected angular distribution from the
Bartol theoretical model, the flux integrated in the region θ > 90◦ is larger
than that obtained for θ > 100◦ by factors of ∼ 3%, 8%, 25% and 40% at
0.1, 1, 10 and 100 TeV, respectively and is consistent with results obtained
under ice. The energy spectrum measured by ANTARES has a spectral index
parameter γmeas = 3.58± 0.12 and the overall normalisation is 25% larger than
expected in ref. [131], almost uniformly in the measured energy range. This
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Figure 5.8: The atmospheric neutrino energy spectrum E3.5ν dΦν/dEν measured
in this work in the zenith angle region θ > 90◦ (black full squares). The full line
represents the νµ flux from ref. [131]. The red and blue dashed lines include two
prompt neutrino production models from ref. [135] and ref. [136], respectively.
All theoretical expectations are zenith-averaged from 90◦ to 180◦. The result of
the AMANDA-II unfolding [142] averaged in the region 100◦ to 180◦ is shown
with red circles and that of IceCube40 [143] zenith-averaged from 97◦ to 180◦ is
shown with blue triangles. The red region corresponds to the νµ measurement
from ref. [144], and the blue one the IC40 update from ref. [146].
larger normalisation is also compatible with measurements from the MACRO
underground experiment [145].
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Chapter 6
Search for cosmic neutrinos
from the Galactic Plane
The discovery of cosmic neutrinos by the IceCube Collaboration has been
described in details in section 2.2. Though IceCube does not claim any directional
excess, a North/South asymmetry can be seen in the data sample and an
enhancement of the neutrino production from the central region of the Milky
Way can be considered a possible source of this excess in the Southern sky.
The ANTARES neutrino telescope provides the best limits on neutrino sources
located in the Southern sky since it can exploit track-like events coming from νµ
CC interactions, with median angular resolution of 0.4 degrees [78]. Because of
its good exposure to the central part of the Galactic Plane, valuable information
can be given by the search of a neutrino flux in this area of the sky using a
Mediterranean neutrino telescope.
In this chapter the search for an enhanced neutrino diffuse emission from a
region of the sky covering a small solid angle around the centre of the Milky
Way is described. An excess of cosmic neutrinos from a region of the sky can be
searched for by comparing the number of events coming from this region (called
“on-zone”) to what is observed in similar regions with no expected signal (“off-
zones”). To enhance the presumably harder neutrino signal over the background
of atmospheric neutrinos, a cut which selects high energy events is defined. This
approach has been already used within the ANTARES Collaboration to search
for neutrino candidates from the Fermi bubbles regions [147]. The work presented
in this chapter is completely original, has undergone a complete revision process
in the ANTARES Collaboration and will be submitted for a publication.
6.1 Signal and background definition
An unbroken power-law behaviour is usually used to parametrise the expected
energy spectrum of cosmic neutrinos: this is basically related to the acceleration
mechanism of cosmic rays which is described in 1.1.2. Moreover, the IceCube
Collaboration has shown that a power-law spectrum can describe rather well
the neutrino signal they have observed with high significance. A natural choice
for the neutrino signal would then follow this description.
The diffuse γ-ray flux observed by the LAT instrument on-board the Fermi
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satellite once galactic point sources are removed can be directly related to the
expected neutrino flux coming from hadronic mechanisms. For example in
ref. [100] it is shown that a simple power-law extrapolation of the γ-ray flux
observed in the Galactic Ridge by Fermi-LAT can fit the neutrino flux derived
from the IceCube events close to that region. This extrapolation assumes a fully
hadronic mechanism for the production of the diffuse γ-rays in the central part
of the Galaxy. Models from full CR propagation in the Milky Way and including
all production mechanisms, such as that described in ref. [94] and presented in
section 3.2, produce neutrino fluxes that can be described in large parts of the
energy range with a power-law behaviour.
A wide range of options can be explored with the observation from ANTARES.
For this reason the signal flux is parametrised here as an unbroken power-law
with spectral index Γ ranging from 2.0 to 2.7 in steps of 0.1.
The background from atmospheric events is given by atmospheric muons
and neutrinos. The first component is described by the MUPAGE Monte Carlo
sample described in §4.5.1. Atmospheric neutrinos events are weighted according
to the conventional flux prescription of Honda et al. computations [132], together
with the prompt component from Enberg et al. [136].
6.1.1 Choice of the signal and background regions
A detailed description of the diffuse γ-ray flux from the inner part of our
Galaxy can be used for the definition of the signal region of the analysis. Fermi-
LAT measurements show that most of the observed γ luminosity in the central
region of the Milky Way comes from a narrow band in galactic latitude: the
central few degrees basically contains 90% of the observed diffuse flux of γ-rays.
As far as the galactic longitude is concerned, the observed diffuse flux extends
to the whole Galactic Plane, though the largest abundance comes from the
innermost 50 degrees.
The signal region must encompass most of the diffuse γ-ray flux, while being
small enough to reduce the contribution from atmospheric background. In
ref. [70] it is shown that the optimal size for such a region with the ANTARES
telescope ranges from about 0.05 to 0.4 sr solid angle area. Smaller regions would
be too small for the angular resolution of this kind of search – a point source
search would be more accurate in this case. Larger regions would allow in the
selected sample too many events from the atmospheric neutrino background,
significantly reducing the significance of the measurement. Assuming that a
cosmic signal described by an unbroken power law with spectral index Γ = 2.4,
the best signal-to-noise ratio is found when a rectangular region is delimited by
|`| < 40◦ |b| < 3◦ (6.1)
in galactic longitude |`| and latitude |b|. The corresponding solid angle is equal
to 0.145 sr.
Off-zones are defined as fixed, non-overlapping regions in equatorial coordi-
nates which have identical size and shape as the on-zone but no overlap with
it. In local coordinates, off-zones have the same sidereal-day periodicity as the
on-zone and span the same fraction of the sky, but with some fixed delay in time.
Thus the detector has the same exposure to each of the off-zones and to the
on-zone. In order to avoid possible superimposition with the Fermi bubbles, from
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Figure 6.1: Signal (red dots) and background (black dots) regions representing
the considered Galactic Plane region and off-zones of the analysis, see text for
the definition. Also shown the shape of the Fermi bubbles (blue dots) as in
ref. [148].
which a cosmic neutrino signal is expected in some models, the first and last
off-zones have been shifted by 7h 12m and -5h 30m from the on-zone respectively.
The shape of the Fermi bubbles as provided in ref. [148] has been used. As a
consequence of this choice and because of the size of the signal region, a total
number of 9 off-zones is defined. Signal and background regions, together with
the assumed shape for the Fermi bubbles, are shown in galactic coordinates in
figure 6.1.
6.2 Event selection
The analysed data set comprises events collected with the ANTARES neutrino
telescope from January 2007 to December 2013. The livetime that has been
analysed is equivalent to 1622 days of data acquisition.
Having defined the signal and background for the analysis and the considered
data set, an optimal event selection must be defined, based on Monte Carlo
simulations. This is necessary to suppress the atmospheric background, optimis-
ing the signal-to-noise ratio and consequently the sensitivity of the experiment.
Data from the signal region are kept blinded until this selection is not completely
defined. Off-zones can however be openly used to check the agreement between
data and Monte Carlo, as well as the consistency of the background rates between
different off-zones.
6.2.1 Model Rejection Factor minimisation
In order to properly define an optimal event selection for the rejection
of atmospheric events maximising the sensitivity of the experiment, a Model
Rejection Factor [149] minimization procedure is applied to obtain the best
selection cut.
Let Φ(E) be the theoretical source flux, ns the number of expected signal
events, nb the expected background and nobs the number of events observed in
83
6 Search for cosmic neutrinos from the Galactic Plane
a hypothetical experiment. If the number of observed events is compatible with
the background, the upper limit for the flux at 90% confidence level (C.L.) is:
Φ(E)90% = Φ(E)
µ90(nobs, nb)
ns
, (6.2)
where µ90(nobs, nb) is the Feldman-Cousins upper limit [150].
The “average upper limit” that would be observed by an ensemble of hypo-
thetical experiments with no true signal (ns = 0) and expected background nb
can be computed. Taking into account all the possible fluctuations for the esti-
mated background, weighted according to their Poisson probability of occurrence,
the average upper limit is:
µ¯90(nb) =
∞∑
nobs=0
µ90(nobs, nb)
nnobsb
nobs!
e−nb . (6.3)
The best upper limit is obtained with the best cut that minimises the Model
Rejection Factor (MRF):
MRF =
µ¯90
ns
(6.4)
and hence minimises the average upper limit flux
Φ¯(E)90% = Φ(E)
µ¯90
ns
(6.5)
or, equivalently, provides an estimate of the best sensitivity of the experiment.
6.2.2 Optimal cut selection
The event selection is done on the basis of the track quality parameter
Λ, the angular error estimate β and the value of the reconstructed energy
coming from an artificial neural network EANN. The first two parameters are
useful for the rejection of atmospheric muons that are wrongly reconstructed as
upward-going events, analogously to what is shown in section 5.2.1. In order to
estimate the muon contamination for strict selection conditions, where the Monte
Carlo simulation runs out of statistics, an extrapolation of the Λ distribution
is performed, analogously to what is shown in figure 5.1, for each possible
combination of the β and EANN selection cut.
Figures 6.2 and 6.3 show the MRF value for different event selection cut on
the Λ and EANN: figure 6.2 refers to events with angular error estimate β < 0.5
◦,
while figure 6.3 is for β < 1◦. The search for an optimal cut is performed changing
the signal spectral index from Γ= 2 to Γ= 2.7 in steps of 0.1. The optimal value
for the selection cut as a function of the signal spectral index is reported in table
6.1.
It can be observed that the minima of the MRF distributions are quite broad
and the choice of a close-to-optimal selection cut does not reduce dramatically
the sensitivity. Analogously, given a certain signal spectral index, the optimal cut
for a close spectral index lies in neighbouring or next-to-neighbouring bin of the
Λ−EANN plane. This translates to the opportunity of setting only one selection
cut to be applied on data, without an excessive worsening of the sensitivity of
the experiment. Considering that the most interesting spectral index for the
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Γ Λ β log10(EANN/GeV) Sensitivity
[deg] [GeV−1 s−1 cm−2 sr−1]
2.0 −5.0 0.5 4.2 2.0× 10−7
2.1 −5.0 0.5 4.2 6.7× 10−7
2.2 −5.0 0.5 4.0 2.1× 10−6
2.3 −5.0 0.5 4.0 6.6× 10−6
2.4 −5.0 0.5 4.0 2.0× 10−5
2.5 −5.0 0.5 3.8 5.7× 10−5
2.6 −5.1 0.5 3.6 1.6× 10−4
2.7 −5.3 0.5 2.0 5.6× 10−4
Table 6.1: Dependence of the sensitivity obtained with the MRF procedure on
the spectral index Γ when the best selection cut are applied in Λ, β and EANN
for the analysis of cosmic neutrino fluxes from the Galactic Plane.
signal should be close to the observation coming from the IceCube experiment,
the chosen selection cut is that for Γ=2.4. This selection cut is
Λ > −5.0 β < 0.5◦ EANN > 10 TeV. (6.6)
6.3 Results
After the unblinding of the entire data sample, 3.7 events are observed on
average in the off-zone regions with energy EANN > 10 TeV. Two events are
detected from the Galactic Plane region. The distributions of the number of
selected events in the on-zone (black points) and off-zone (red histogram) regions
as a function of the reconstructed energy are given in figure 6.4. The standard
deviation of the variable log10(EANN/Etrue), where Etrue is the Monte Carlo
true energy of the muon, is almost constant at ∼ 0.4 over the considered energy
range. The small under fluctuation of events with EANN > 10 TeV in the signal
region is compensated by a similar over-fluctuation at lower energies.
A smaller number of events than the expected background is observed, and
the Feldman and Cousins 90% c.l. upper bound [150] was computed. The
corresponding flux is equal to 1.5 · 10−5 E−2.4 GeV−1 s−1 cm−2 sr−1. Adopting
the same conservative approach as for the limits from selected point-like sources
[78] in the case of a under-fluctuation, the 90% c.l. upper limit on the signal flux
is set to the value of the ANTARES sensitivity. One limit for each considered
spectral index is obtained. As the procedure was optimised for Γ =2.4, the limit
obtained for this value are the most restrictive.
The 90% c.l. upper limits (for one neutrino flavour) are shown in figure 6.5
for some values of Γ (horizontal black lines). For illustration, the one flavour
neutrino flux from the considered region necessary to produce from 2 to 6 HESE
is also reported as dashed lines (one for each considered spectral index). The
curves are computed on the basis of the effective areas presented in ref. [67]
according to the prescription of [70]. All fluxes above the horizontal black lines
are excluded by our observations. For instance, a flux with spectral index Γ = 2.5
that produces 3 or more HESE in the signal region of ∆Ω = 0.145 sr is excluded
by the analysed data.
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(a) Γ = 2.0 (b) Γ = 2.1
(c) Γ = 2.2 (d) Γ = 2.3
(e) Γ = 2.4 (f) Γ = 2.5
(g) Γ = 2.6 (h) Γ = 2.7
Figure 6.2: 2-dimensional Model Rejection Factor dependence on the Λ track
quality parameter and the EANN reconstructed energy. Different spectral indexes
are shown for β < 0.5◦.
86
6.3 Results
(a) Γ = 2.0 (b) Γ = 2.1
(c) Γ = 2.2 (d) Γ = 2.3
(e) Γ = 2.4 (f) Γ = 2.5
(g) Γ = 2.6 (h) Γ = 2.7
Figure 6.3: 2-dimensional Model Rejection Factor dependence on the Λ track
quality parameter and the EANN reconstructed energy. Different spectral indexes
are shown for β < 0.5◦.
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Figure 6.4: Distribution of the reconstructed energy EANN of upward-going
muons in the Galactic Plane (black crosses) and off-zone regions. In the latter
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region for different signal spectral indexes Γ. Selection cuts have been optimised
for Γ = 2.4. The limits for different spectral index are thus derived with non-
optimal criteria, though the difference is limited to a 10% in sensitivity. The
expected flux producing from 2 to 6 IceCube HESE in the signal region is also
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Figure 6.6: ANTARES upper limit (magenta dots) for this analysis compared to
the expected neutrino flux (dot-dashed line) estrapolated from the Fermi-LAT
diffuse γ flux up to IceCube energies [100] and to the neutrino expectations as
computed in ref. [94] for the Galactic Plane region
Figure 6.6 shows the computed ANTARES 90% c.l. upper limit for the
neutrino emission in the region |`| < 40◦ and |b| < 3◦ assuming a Γ = 2.4
neutrino flux. The purple full line is drawn for all neutrino flavours assuming
flavour ratio 1:1:1. The expectations from some theoretical models are also
represented in the figure. In particular, it should be mentioned that the simple
extrapolation to the IceCube energies of the diffuse γ-ray flux measured by
Fermi-LAT, assuming 100% hadronic origin, is excluded at 90% confidence level,
if the 1 : 1 : 1 flavor ratio is assumed.
More detailed models, that consider a harder CR spectrum in the inner
Galaxy and are tuned to follow the hardening of the CR spectrum measured
by PAMELA and AMS-02 [94] yield a neutrino flux (at 100 TeV) a factor of
two to three lower, still reproducing the Fermi-LAT γ-ray diffuse flux (blue line
denoted as KRAγ in figure 6.6). Models not including the CR hardening (curve
labelled KRA) yield neutrino fluxes one order of magnitude smaller than that of
the extrapolation from Fermi-LAT, shown as a dot-dashed line.
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Chapter 7
Prospects for KM3NeT
The construction of the first building block of the KM3NeT/ARCA detector
(§2.1.2) has started in December 2015. Once completed, it will be the largest
neutrino experiment in the Northern hemisphere and the largest under-water
neutrino telescope. The excellent angular resolution of the ARCA detector, with
an instrumented volume of about one Gton, will allow for an unprecedented
exploration of the neutrino sky searching for neutrinos coming from point-like
(both galactic and extra-galactic) or extended regions of the sky, like the Galactic
Plane. It will also look for a diffuse high energy neutrinos flux following the
indication provided by the IceCube signal.
Studies on the sensitivity of the KM3NeT/ARCA detector – two building
blocks corresponding to an instrumented volume of 1 km3 – to diffuse fluxes of
cosmic neutrinos are presented in this chapter. In particular the work presented
in sections 7.1.3 and 7.1.4 is completely origninal and have been published in
the KM3NeT Letter of Intent [58].
7.1 All-sky searches
The IceCube Collaboration has observed cosmic neutrinos in various analyses
§2.2, reporting an excess of high energy neutrinos over the atmospheric flux
expectations. The observed flux is compatible with an isotropic distribution and
equipartition in the three neutrino flavours as expected from neutrino oscillations
in vacuum. Individual sources for this excess have not been identified, neither
has the production mechanism for these high energy neutrinos been cleared. A
study to evaluate the sensitivity of the full KM3NeT/ARCA detector has been
performed. The one-flavour IceCube cosmic signal flux has been parametrised
as:
E2ν
dΦ(Eν)
dEν
= 1.2 · 10−8e−E/3 PeVGeV cm−2 s−1 sr−1 (7.1)
even though different fits are possible. The results presented here do not depend
strongly on the assumed signal flux.
Two topologies of events have been considered: track-like and shower-like
events. The former is made of through-going muon tracks produced mainly by νµ
CC interactions. The latter is made of cascades produced in all-flavour neutrino
interactions creating electromagnetic and hadronic showers at the interaction
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vertex. Two separate analyses have been completed to search for a cosmic
spectrum analogous to eq. 7.1 using a step procedure for background rejection.
The two strategies are described in section 7.1.1. Each of the two analysis
strategies is described separately in the following sections and their combined
sensitivity to a flavour-uniform diffuse flux is presented in section 7.1.4.
7.1.1 Search method
The first step of the analysis consists in the rejection of atmospheric back-
grounds. The Model Rejection Factor or the Model Discovery Potential (MDP)
maximisation procedure [151], have been used to identify the set of selection cuts
in order to optimise analyses for the sensitivity of the detector. However this
approach does not allow to properly take into account the spectral shape of the
signal and background. Improvements are possible when a statistical method
based on maximum likelihood methods is used. These methods are based on the
Likelihood Ratio (LR) test:
LR = log
[
P (data|Hs+b)
P (data|Hb)
]
(7.2)
where P (data|Hi) is the probability that data can be explained by the hypothesis
Hi, being b the background and s the signal.
Collected data consist of a number n of uncorrelated events, so that LR can
be written as:
LR = log
∏n
i=1 P (xi|Hs+b)∏n
i=1 P (xi|Hb)
=
n∑
i=1
log
P (xi|Hs+b)
P (xi|Hb) (7.3)
where each event xi has a certain probability of being classified as signal-like
with a certain quality parameter ρ and reconstructed energy Ereco. Knowing the
2D probability density functions for the signal and background hypotheses from
simulation, eq. 7.3 becomes:
P (xi|Hs+b) = ns
n
× Ps(ρ,Ereco) +
(
1− ns
n
)
× Pb(ρ,Ereco)
P (xi|Hb) = Pb(ρ,Ereco) (7.4)
where Pb and Ps are the 2D PDFs for background and signal, ns is the number
of signal events and thus ns/n and (1-ns/n) are the fraction of signal and
background events. The likelihood ratio finally becomes:
LR =
n∑
i=1
log
ns
n × Ps(ρ,Ereco) +
(
1− nsn
)× Pb(ρ,Ereco)
Pb(ρ,Ereco)
(7.5)
The maximum LR and the corresponding fitted number of signal events ns
is computed in an iterative procedure. This is firstly applied to the background
only hypothesis, producing many pseudo-experiments and recording the LRmaxb
distribution. The critical value LRnσ is computed so that, for example,∫ −LR5σ
−∞
LRmaxb +
∫ +∞
LR5σ
LRmaxb = 5.7× 10−7. (7.6)
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The procedure is then repeated adding Ns signal events and the integral of the
resulting LRmaxs corresponds to the discovery power given by the observation
of Ns events. If N5σ is the Ns giving a 50% discovery power at 5σ, then n5σ
represents the number of events needed to have an observation with p-value
corresponding to a 5σ discovery with 50% C.L.. Given a signal flux Φs and a
mean number of signal events 〈ns〉, the discovery flux is:
Φd = Φs × nd〈ns〉 (7.7)
7.1.2 Track analysis
The first step in the event selection for the track channel analysis is a cut on
the reconstructed track direction to get rid of most of the atmospheric muons.
According to the optimisation procedure a cut to events with reconstructed
zenith angle θzen > 80
◦ was chosen, thus including also events coming up from
10◦ above the horizon.
To improve the rejection of the background mainly due to wrongly recon-
structed muon tracks and to atmospheric neutrinos the MDP maximisation
is performed selecting well-reconstructed tracks and removing less energetic
events likely due to atmospheric neutrinos. The two reconstruction parameters
correlated with the reconstruction quality and the neutrino energy are the Λ
and Nhit parameters, described in ref. [152]. The cumulative distributions for
the Λ quality parameter and for the number of hits are shown in figure 7.1. Λ >
-5.8 and Nhit > 539 proved to be optimal for one year of observation time. The
angular and energy resolution for the selected sample is ∼0.2◦ and ∼0.27 in the
logarithm of the energy, respectively, as shown in figure 7.2.
After one year of observation time, the final selected event sample contains
5.4 events from background and 7.6 events according to the diffuse neutrino flux
of eq. 7.1. With these event rates, the IceCube signal flux can be observed with
3.5σ significance after one year of KM3NeT/ARCA data taking.
The sensitivity can be increased by using a statistical method based on the
maximization of a likelihood function, rather than using a simple cut. This has
been performed as described in 7.1.1, on a sample of preselected neutrino events
with θzen > 80
◦ and Λ > -5.8. The likelihood ratio function maximisation uses
the energy estimation given by the number of hits as probability density function.
The resulting significance is shown figure 7.8 as a function of the number of
observation years and reaches about 4σ after one year with a 50% chance of
detection.
7.1.3 Showers
An event selection procedure based on three consecutive cuts has been used
in the shower analysis to discriminate between signal and background events.
At the first selection level, only contained events are kept. Because of Earth
absorption, part of the neutrino signal can be absorbed while passing through the
Earth. For this reason an analysis which can look for events coming from both
hemispheres enhances the sensitivity of the experiment. As the background from
downward-going is composed mostly of atmospheric muons, a strong rejection of
this background is necessary.
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Figure 7.1: Cumulative distribution for the Λ (top panel) and Nhit parame-
ters from the track reconstruction algorithm developed for KM3NeT/ARCA.
Event rates for one year of operation of the ARCA building block are reported;
atmospheric muons are shown in red, while atmospheric neutrinos in black.
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Figure 7.2: Performances of the track reconstruction algorithm for νµ CC
events after the final selection cut. Top plot shows the difference between the
reconstructed and the true muon energy for events above 10 TeV passing the
Λ quality cut; bottom plots report angular resolution, showing the 1 and 2σ
quantiles as the dark and light blue bands.
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Figure 7.3: Output of the vertex reconstruction for signal cosmic neutrinos (top)
and background atmospheric muons (bottom – high threshold sample). The
plots here show the z and r2 coordinates of the reconstructed vertex for neutrino
events and a sort of pseudo-vertex for atmospheric muons. The black dashed
line represents the instrumented volume of a KM3NeT block, while the region
inside the red solid line is the containment requirement for the analysis.
Atmospheric muons are passing through tracks and most of the Cherenkov
light coming from the event produces hits on the outermost PMTs of the
apparatus. As a result, in this cases, the cascade reconstruction algorithm
usually reconstructs a shower vertex outside the instrumented volume. On the
contrary neutrinos interacting inside the detector have their vertex properly
reconstructed and contained events can be identified, as shown in figure 7.3. A
cut on the vertical coordinate z and on the radial distance R of the reconstructed
vertices to the detector centre rejects a large part of the background. The
applied selection cut is R < 500 m and z < 200 m. This cut reduces the detector
geometrical volume by about 20% while decreasing the number of atmospheric
muons by more than one order of magnitude.
The sum of the time over threshold (ToT) of the hits causally connected
to the reconstructed vertex is related to the energy of the events and can be
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Figure 7.4: Cumulative total Time over Threshold distribution for events passing
the containment requirement, colour code in the legend. The low threshold
simulations runs out of statistics quite early, but the decrease in the shape of the
distribution is strong enough to consider the cut at 12µs safe. Different shapes
for track and shower neutrinos can be explained by the different hit distribution
in the detector with respect to the fitted vertex.
used to improve the rejection of background atmospheric events, both muons
and neutrinos. The ToT is measured for each PMT and is a measure of the
collected charge. Events with large deposited charge are more likely to be high
in energy and consequently of cosmic origin. In addition, track-like events have
less selected hits and thus the sum runs over fewer pulses and the total ToT
is smaller with respect to that of cascades. This cut rejects a large number of
low-energy atmospheric muons and also a large part of the atmospheric neutrino
background from νµ CC events, dominant at lower energies. Figure 7.4 shows
total ToT for the different event types (cumulative distribution) and the action
of this selection cut.
The final step to isolate the signal from the remaining background uses a
machine-learning algorithm based on the boosted decision tree (BDT) from the
ROOT TMVA package [154]. As input for the BDT training, several quality
parameters from the available shower and track reconstruction algorithms are
used and its output is shown in figure 7.5. The output of the BDT is used together
with the reconstructed shower energy Erec to separate the signal from both the
remaining atmospheric neutrino and muon backgrounds. The optimisation
procedure is done using the MRF procedure already described and the result of
the procedure are presented in figure 7.6.
After the final selection cut estimated with the MRF procedure, 16.1 signal
and 8.4 background events are expected in one year of the ARCA detector
operation. The mean angular and energy resolutions for these events are roughly
1.5◦ and 10%, respectively at 100 TeV as shown in figure 7.7. With these
event rates in the shower channel a 5σ discovery of the assumed IceCube flux
can be achieved after 1.3 years of ARCA data taking with 50% probability.
A further improvement of this result is reached by applying the maximum
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Figure 7.5: Cumulative distribution of the output of the Boosted Decision Tree
application on all events; upper plot showing the contribution of each event
type of event (colour code as in the legend). Bottom plot shows the sum of all
atmospheric and cosmic contributions together. BDT output values close to 1
mean “shower-like” event, -1 for “track-like” events.
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Figure 7.7: Performances of the shower reconstruction algorithm νe CC events
after the final selection cut. Top plot is for the median energy resolution, bottom
for the median angular resolution; the 2 bands show the 1 and 2σ quantiles.
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likelihood method described in §7.1.2. The signal and background PDFs are
two-dimensional functions of the reconstructed shower energy, Erec, and of the
BDT output. The resulting significance as a function of the observation years is
shown in figure 7.8.
7.1.4 Combined search
As both the track and shower analyses have a strong bias in efficiency towards
one particular event topology, a further analysis strategy has been developed
to incorporate the results from both searches. The two analyses are indeed
almost independent, as the overlap between the final event samples is limited
to less than 2% of the surviving events. In order to develop an all-sky analysis
with tracks and showers, the two hemispheres are treated separately, using the
reconstructed zenith angle from the track reconstruction algorithm.
For downward-going events, where the atmospheric background is extremely
high, only contained shower events are considered since muon-induced neutrinos
would be completely covered by atmospheric muons. The selection for these
events is analogous to that of the usual cascade analysis. For upward-going
events, preliminary cuts are used to reject part of the atmospheric muons that
are wrongly reconstructed as upward-going, based on both the track and cascade
reconstruction quality parameters; then a BDT multivariate technique is used to
provide a further rejection of these events. This BDT uses parameters coming
from both the track and shower reconstruction algorithms and is optimised for
the rejection of atmospheric muons. Its output is used together with the shower
energy estimation in the same maximum likelihood approach described before.
The result of this combined analysis is equivalent to the combination of the
two individual results from the track and shower analyses. A 4.8σ significance is
obtained in 0.5 years of observation time (figure 7.8).
7.2 Neutrinos from the Galactic Plane
The search for neutrino fluxes from the Galactic Plane with ANTARES data,
described in chapter 6, has shown that an under-water neutrino telescope in
the Northern hemisphere can probe neutrino fluxes from CR propagation in the
Galaxy. The upper limits presented in section 6.3 is already competing with
the expectations from optimistic models such as that of ref. [100]. The ARCA
detector, with an instrumented volume 20 times large than ANTARES, can
provide a deep insight on this flux, possibly testing neutrino production models
and CR propagation properties.
In order to study the expected sensitivity of the ARCA neutrino telescope,
track-like events have been analysed. The neutrino flux from [94] is used
as benchmark model for this computation. A rectangular region of the sky
encompassed by |`| < 30◦ and |b| < 4◦ is taken into account for the ARCA
analysis. This region of the sky is visible to the ARCA detector for 77% of its
observation time when considering events up to 10◦ above the horizon. In this
part of the sky the one-flavour neutrino flux computed by the authors of [94],
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Figure 7.8: Discovery potential to the flux of eq. 7.1 for ARCA analyses. The
black line shows the result from the analysis of track-like events, the red line
that of the cascade channel and the blue line the combined result. Shaded areas
provide a graphical estimation of systematic effects on the significance of the
discovery to the referenc flux.
described in section 3.2.2 and shown in figure 3.5 can be parametrised as:
dΦ
dEν
= 5× 10−6
(
Eν
1 GeV
)−2.3
× exp
(√
Eν
1 PeV
)
[GeV s sr cm2]−1. (7.8)
Events reconstructed with the track reconstruction algorithm with θrec >
80◦ have been selected at first. Analogously to the all-sky search, the MDP
optimisation procedure has been used for the determination of the optimal
selection cut on the Λ track quality parameter and Nhit energy estimator. The
optimal cut that is found in the procedure is Λ >-5.8 and Nhit >181. As a result
of this selection cut, 2.8 background and 3.4 signal events are expected for one
year of operation of the ARCA detector from this region of the sky with the
assumed flux of eq. 7.8.
Additionally, the maximum likelihood fitting procedure already explained
above is used to estimate the discovery potential of the experiment. The 3σ
and 5σ discovery flux as a function of the acquisition time with the complete
ARCA detector are shown in figure 7.9, top panel. Within one and a half years
of operation, the ARCA detector will be able to provide a discovery at 3σ
significance (with 50% chance discovery) for the reference flux. Within 5 years
of operation the significance would reach 5σ. The significance of the observation
of the reference flux as a function of the acquisition time is given in figure 7.9,
bottom panel.
101
7 Prospects for KM3NeT
observation years
0 1 2 3 4 5 6 7 8
)
-
1
 
sr
-
1
 
s
-
2
 
(G
eV
 cm
0
Φ
7−10
6−10
5−10
 exp(-E/1PeV)-2.3 E0Φflux 
KM3NeT/ARCA Preliminary 
 50% σ5
 50%σ3
(a) Discovery potential
Observation time [year]
0 1 2 3 4 5 6 7
)
σ
Si
gn
ific
an
ce
 (
0
1
2
3
4
5
6
7
-1
 sr-2 cm-1 s-1 exp(-sqrt(E/1 PeV)) GeV-2.3 (E/1GeV)-6flux per flavour 5 10
 
o
 | l |<30o| b |<4
KM3NeT preliminary 
(b) Significance
Figure 7.9: Top panel: discovery flux at 3 (red line) and 5σ (black line), with 50%
chance probability for the ARCA detector as a function of the acquisition time
for the flux of equation 7.8. The dashed horizontal line shows the normalisation
level of the flux. The red and black arrows report the time at which the discovery
flux becomes lower than the normalisation of the reference flux. Bottom panel:
significance of the discovery as a function of the acquisition time with the
complete ARCA detector for the same reference flux.
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The ANTARES telescope was completed in May 2008 and has taken data
continuously since then; it is made of 12 lines anchored on the sea-bed, equipped
with 885 PMTs. The main aim of the ANTARES Collaboration is the study
of neutrino-emitting astrophysical objects, like AGN, GRB, and supernova
remnants. The work presented in this thesis uses all data collected by the
ANTARES neutrino telescope from the beginning of 2007 to the end of 2013.
Since 2012, the existence of cosmic high energy neutrinos has been estabilished
by the IceCube Collaboration with high significance. The ANTARES detector
represents a complementary instrument of discovery with respect to the IceCube
neutrino telescope and it has already constrained the possible origin of part of
this signal from point-like neutrino source in the central region of the Milky Way.
The search for a region of enhanced neutrino emission in the Southern sky
which could explain part of the IceCube cosmic signal is presented in this thesis.
The background from atmospheric muons is rejected by selecting upward-going
neutrino-induced tracks. Though looking for upward-going reconstructed tracks
should select only events due to neutrino interaction, a large number of wrongly
reconstructed atmospheric muons survives this selection. The quality parameters
of the track reconstruction algorithm are used to reject this background. The
surviving background due to atmospheric neutrinos has been studied in details
and the measurement of its energy spectrum is also presented in this work. This
background can be rejected, on a statistical basis, selecting high energy events.
An enhanced neutrino emission is expected from the Galactic Plane as a
result of the interaction of primary cosmic rays confined within the Milky Way.
High energy events coming from the central part of the Galactic Plane are
selected and the rate from a signal region encompassing the possible emission are
is compared to what is observed in background regions for which the detector
has the same exposure. This allow to limit systematics and uncertainties due to
Monte Carlo simulations.
The optimal cut for background rejection is selected using a Model Rejection
Factor minimisation procedure to scan a 3-dimensional space in the track quality
parameter, the angular error estimate and the reconstructed energy of the event.
The resulting sensitivity is:
E−2.4
dΦ
dE
= 2.0× 10−5 GeV−1 s−1 cm−2 sr−1 (7.9)
using the Feldman-Cousins upper limit estimation. The observation of data from
the signal region provides an under-fluctuation with respect to the background
estimation from off-source regions. This conservatively corresponds to an upper
limit equal to the sensitivity of the experiment.
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The upper limit obtained in the analysis allows to constrain a fully hadronic
explanation of the observed γ-ray flux from the Fermi-LAT satellite experiment
for the Galactic Plane. This upper limits also allows the rejection of any model
for the neutrino emission from the Galactic Plane which would produce more
than 3 of the observed IceCube cosmic neutrino candidates. Theoretical models
for neutrino production in the Galactic Plane from cosmic ray propagation
cannot still be excluded, though the upper limit presented in this work is the
most stringent ever obtained.
The further extension of the data sample up to the end of 2016, together
with the addition of events reconstructed in the cascade channel can provide
a further improvement of the measured limit. Finally the next generation
neutrino telescope KM3NeT/ARCA being built in the Mediterranean Sea, with
an instrumented volume 20 times larger than ANTARES, will allow for a deep
insight on cosmic neutrinos, both for all-sky searches, for point-like source and
for extended regions of neutrino emission, starting to prove the actual sources of
cosmic neutrinos.
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